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ABSTRACT
Successful models of the low redshift circumgalactic medium (CGM) must account
for (1) a large amount of gas, (2) relatively slow gas velocities, (3) a high degree
of metal enrichment, (4) the similar absorption properties around both star-forming
and passive galaxies, and (5) the observationally inferred temperature and densities
of the CGM gas. We show that galactic wind-driven bubbles can account for these
observed properties. We develop a model describing the motion of bubbles driven by
a hot, fast galactic wind characteristic of supernova energy injection. The bubble size
grows slowly to hundreds of kiloparsecs over 5 − 10 Gyr. For high star formation
rates or high wind mass loading M˙w/M˙?, the free-flowing hot wind, the shocked hot
wind in the interior of the bubble, and the swept-up halo gas within the bubble shell
can all radiatively cool and contribute to low-ionization state metal line absorption.
We verify that if the free-flowing wind cools, the shocked wind does as well. We find
effective mass loading factors of (Mw + Mswept)/M? ∼ 5 − 12 as the bubbles sweep
into the CGM. We predict cool gas masses, velocities, column densities, metal content,
and absorption line velocities and linewidths of the bubble for a range of parameter
choices. This picture can reproduce many of the COS-Halos and Keeney et al. (2017)
observations of low-ionization state metal absorption lines around both star-forming
and passive galaxies.
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1 INTRODUCTION
Observations of galaxy haloes have revealed the ubiqui-
tous presence of multiphase gas. The circumgalactic medium
(CGM) extends to hundreds of kiloparsecs and has a range
of temperatures T ∼ 102−108 K and densities n ∼ 10−6−1
cm−3 (see references in, e.g. Tumlinson et al. 2017). The
hot gas is extended and diffuse and is observed in X-ray
emission and absorption lines (Lehnert et al. 1999; Strick-
land et al. 2004; Williams et al. 2005; Anderson & Breg-
man 2010; Gupta et al. 2012). The coolest gas in the CGM
is dusty and dense and is observed in re-radiated infrared
light or molecular line emission (Engelbracht et al. 2006;
Leroy et al. 2015). The intermediate temperature range of
104 − 105.5 K is too cool to emit X-rays and too diffuse
to be observed directly in emission lines, so observations
are preferentially done in absorption. Such studies probe
either the outer CGM through absorption toward a back-
ground quasar whose sightline passes through the galaxy’s
halo (Rudie et al. 2012; Tumlinson et al. 2013; Bordoloi et al.
2014; Keeney et al. 2017), or the inner CGM through “down
the barrel” absorption against the host galaxy’s stellar con-
tinuum (Heckman et al. 2000; Steidel et al. 2010; Bordoloi
et al. 2011; Martin et al. 2012; Rubin et al. 2014; Chisholm
et al. 2018).
Because the CGM is at the interface of accretion inflows
that feed galaxies and outflows that are driven by star for-
mation feedback, it is crucial to our understanding of how
galaxies and their environments evolve. Galactic winds en-
rich the CGM and intergalactic medium (IGM) with met-
als (Aguirre et al. 2001; Martin et al. 2010; Prochaska
et al. 2017), regulate star formation (Murray et al. 2005;
Ceverino et al. 2014; Hopkins et al. 2014), and are nec-
essary to produce observed stellar mass-halo mass rela-
tions (Murray et al. 2005; Keresˇ et al. 2009; Bower et al.
2012) and mass-metallicity relations (Tremonti et al. 2004;
Erb et al. 2006; Erb 2008; Finlator & Dave´ 2008; Peeples
& Shankar 2011). On smaller scales, feedback from star
formation in the form of supernovae, massive star winds,
and radiation pressure disrupts giant molecular clouds
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(Murray et al. 2010; Lopez et al. 2011; Murray et al. 2011;
Raskutti et al. 2017), maintains low star formation efficien-
cies (Murray et al. 2010), and shapes the interstellar medium
(ISM) (McKee & Ostriker 1977; Wada & Norman 2001). Ex-
plaining the diverse CGM observations with galactic winds
requires following feedback physics from the size of giant
molecular clouds, where winds are launched, all the way to
kpc-scale outflows in the CGM, where absorption lines are
observed.
The COS-Halos Survey (Werk et al. 2012; Tumlinson et
al. 2013) consists of a sample of 38 quasar sight lines passing
within 160 kpc of z ∼ 0.2, L? galaxies and focuses on the
ionized metal-line absorption present in 33 of the 44 galaxies
in the sample. Both low- and high-ionization states are ob-
served, indicating the multi-phase nature of the CGM. The
low-ionization metal lines trace cool ∼ 104 − 105 K pho-
toionized gas, and the high-ionization metal lines, such as O
VI, trace warmer gas at ∼ 105.5 − 106 K that is likely col-
lisionally ionized (see references in Tumlinson et al. 2017).
Large inferred column densities of both metals and neutral
hydrogen indicate a massive cool CGM of ∼ 3−6×1010 M
within the virial radius (Peeples et al. 2014; Werk et al. 2014;
Keeney et al. 2017), showing that the CGM is extensive and
contains a large fraction of the baryons and metals within
the galaxy halo. However, obtaining the physical conditions
in the CGM from absorption lines relies on uncertain ion-
ization corrections, photoionizing backgrounds, and temper-
atures. In addition, most galaxies have only a single quasar
sight line passing through their CGM, so trends of density
or ionization state with distance from the galaxy can only
be determined in a statistical sense from the full sample.
Quasar absorption studies suffer from projection effects as
well, because absorbing gas may be physically located any-
where along the sight line, not necessarily at a distance equal
to the impact parameter. Regardless, physical models must
consistently explain the CGM absorption line observations.
There are a number of puzzling features to the COS-
Halos Survey observations presented in Werk et al. (2014).
First, the low-ionization state metal absorption arises in cool
gas of T ∼ 104 K, which cannot be in hydrostatic equi-
librium with the hot gaseous halo’s thermal gas pressure
(Werk et al. 2014). Second, the inferred column densities
imply a mass M ∼ 1010 − 1011 M of cool, metal-enriched
gas within the galaxy halo that is comparable to the stellar
and interstellar medium mass of the central galaxy (Peeples
et al. 2014). Third, the cool gas traced by low-ionization
state metals typically has velocity well below the halo escape
speed (Werk et al. 2014). Fourth, despite the slow velocities,
the cool gas is present hundreds of kiloparsecs from the host
galaxy. Fifth, cool gas is common around passive galaxies,
indicating that if if originates with star formation, it must
be long-lived.
In this paper, we develop a semi-analytic, one-
dimensional model for the CGM as a wind-blown bubble
driven by feedback from star formation processes. Galac-
tic winds can be driven by supernovae and stellar winds
(Creasey et al. 2013; Nath & Shchekinov 2013; von Glasow
et al. 2013), radiation pressure from starlight (Murray et
al. 2011; Sharma & Nath 2012; Zhang & Thompson 2012),
cosmic rays (Breitschwerdt et al. 1991; Socrates et al. 2008;
Girichidis et al. 2016), active galactic nuclei (AGN) (Murray
et al. 2005; Sijacki et al. 2007; Faucher-Gigue`re & Quataert
2012; Cicone et al. 2014; Harrison et al. 2014), or combina-
tions of any of these (Hopkins et al. 2012). Galactic winds
shock and sweep up ambient halo gas as they propagate
outward from the host galaxy. Galactic winds and their im-
pact on galaxy evolution have been widely studied in hy-
drodynamical simulations and semi-analytic models (Samui
et al. 2008; Faucher-Gigue`re & Quataert 2012; Hopkins et
al. 2014; Sarkar et al. 2015; Fielding et al. 2017; Krumholz
et al. 2017; Nelson et al. 2017). We show that the shocked
wind can radiatively cool to 104 K if it is dense, which is
the necessary temperature for the low-ionization state met-
als seen in absorption. Because the galactic wind is driven
by feedback from star formation processes, it is enriched
in the metals that are byproducts of stellar evolution and
can produce large metal column densities. The cooled wind
bubble slows to small velocities as it sweeps up CGM gas
and slows in the gravitational potential of the galaxy’s dark
matter halo. However, the wind bubble can still travel to
large distances from the host galaxy if the halo gas through
which it travels is not too dense, and this process takes a
long time. Indeed, as we show in this paper, wind driven
bubbles contain 1010M of cool gas, with v ∼ 100− 300 km
s−1, and survive for timescales of 1− 10 Gyr. Under certain
conditions and within the context of our simplified models,
a galactic wind-blown bubble can qualitatively reproduce all
aspects of the COS-Halos observations.
Semi-analytic models are more restricted than hydrody-
namic simulations in which processes can be modeled, but
can trace the evolution of galactic outflows across a large
range of scales and are more easily controlled for exploring
the full parameter range of galaxy and wind properties and
determining the impact of different physics on the outflow.
Previous semi-analytic models of galactic wind bubbles (e.g.,
Tegmark et al. 1993; Scannapieco et al. 2002; Furlanetto &
Loeb 2003; Samui et al. 2008) follow the analogous stellar
wind bubble model of Castor et al. (1975) and Weaver et al.
(1977) and focus on predicting the structural properties of
the wind bubble and how galaxy and wind parameters affect
it. Here, we develop a similar galactic wind bubble model,
but develop predictions of observable quantities, like col-
umn densities and absorption line properties, and compare
the model predictions to recent observations. This model
can be used to interpret both observations and results of 3D
hydrodynamic simulations.
In §2, we describe the model for the wind-blown bubble,
its equations of motion, how we determine if and when the
shocked wind can radiatively cool, and the various sets of ini-
tial conditions we explore. Section 3 presents our results for
the physical evolution — radius, velocity, mass, and thick-
ness — of the bubble’s shell for differing initial conditions,
and §4 compares the column densities, temperatures, and
absorption lines predicted by our model to the observations
and inferred gas properties. Section 5 presents a discussion
of our model’s results and evaluation of our assumptions.
We give a summary in §6.
2 MODEL
We model a spherically symmetric, hot, and fast wind blow-
ing out of a galaxy with a spherically symmetric gravita-
tional potential provided by a dark matter halo, and model
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Figure 1. Our spherically-symmetric model of the galactic wind-
blown bubble. The regions of the bubble structure are unshocked
hot wind, unshocked radiatively cooled wind, reverse shock,
shocked wind, contact discontinuity, shocked halo gas, and un-
shocked halo gas, from the centre of the bubble outward. The
pressure in the shocked wind region (shaded gray) drives the mo-
tion of the bubble.
the evolution of the wind as it encounters the surrounding
medium numerically. The wind plows into gas in the halo of
the galaxy and shocks, creating a forward shock propagating
outward. A reverse shock also forms, propagating inward in
the frame of the forward shock and shocking the wind. In
between the two shocks is a contact discontinuity that sepa-
rates wind material and swept-up halo gas. The wind bubble
thus has the classic structure (Castor et al. 1975; Weaver et
al. 1977; Ostriker & McKee 1988) with several regions, and
we also include cooling of the pre-shock wind beyond its
cooling radius (Wang 1995; Silich et al. 2003; Thompson et
al. 2016). The bubble regions are, from inside out: unshocked
hot wind, unshocked cool wind, reverse shock, shocked wind,
contact discontinuity, shocked halo gas, forward shock, and
unshocked halo gas, as shown in Figure 1. We do not model
the formation of this structure, and instead follow the evo-
lution of the bubble assuming the full structure is already
present at the initial bubble radius where we begin our inte-
gration. The thermal pressure of the hot, shocked wind be-
tween the reverse shock and the contact discontinuity drives
the motion of the bubble. We assume no mixing of halo gas
and wind material across the contact discontinuity, but we
discuss the Rayleigh-Taylor instability in §3.6.
2.1 Equations of Motion
The bubble conserves energy until the shocked wind radia-
tively cools. The equation of motion is
d
dt
(MbvCD) = 4piR
2
CD(PSW −PHG)− GMbMenc(RCD)
R2CD
(1)
where Mb is the mass of the bubble, vCD is the velocity of
the contact discontinuity, RCD is the distance of the contact
discontinuity from the galaxy, PSW is the thermal pressure of
the shocked wind between the reverse shock and the contact
discontinuity, PHG is the thermal pressure of the (assumed
static) halo gas into which the bubble is expanding, and
Menc(RCD) is the gravitational mass of the galaxy’s dark
matter halo enclosed within the radius of the contact dis-
continuity, RCD. Note that the shocked wind pressure term
is the only positive term on the right hand side of equa-
tion (1) and is therefore responsible for driving the bubble
outward.
The mass of the bubble is governed by both the mass
deposition of the wind, M˙w, and the mass swept up by the
shell, M˙swept:
M˙b = M˙w + M˙swept (2)
= M˙w + 4piR
2
CDρHG(RCD)vCD (3)
where ρHG(RCD) is the halo gas density outside the bubble.
We explore several ρHG profiles.
The halo gas thermal pressure is given by PHG =
nHGkBTHG, where nHG is the number density of the halo
gas, THG is the temperature, and kB is Boltzmann’s con-
stant. We take the halo gas temperature to be THG ∼ 106
K, the temperature inferred by observations of X-ray emis-
sion and O VII and O VIII absorption in galaxy haloes (see
references in Putman et al. 2012). The thermal pressure of
the shocked wind is related to the thermal energy of the
shocked wind, ESW, by (Faucher-Gigue`re & Quataert 2012)
PSW =
2
3
ESW
VSW
, (4)
where VSW is the volume of the shocked wind region, VSW =
4pi
3
(R3CD − R3RS). The differential equation for the thermal
energy in the shocked wind is given by
E˙SW = Lw − 4piR2CDvCD (PSW − PHG)− LC (5)
where Lw =
1
2
M˙w [vw(RRS)]
2 is the mechanical luminosity
of the wind and vw(RRS) is the velocity of the wind at the
location of the reverse shock, RRS. The second term on the
right hand side in equation (5) describes the energy losses
due to work done by the expansion of the bubble against the
halo gas, and the third term is energy loss due to radiative
cooling:
LC =
4pi
3
(R3CD −R3RS)n2SWΛ(TSW, ZSW) (6)
where nSW is the number density of the shocked wind,
Λ(TSW, ZSW) is the volumetric cooling function given by
Wiersma et al. (2009) for gas in collisional and photoion-
ization equilibrium at redshift z = 0.2, and depends on the
temperature and metallicity of the shocked wind gas, TSW
and ZSW. Note that we do not assume the shocked wind is
very metal rich. We assume the wind gas has solar metallic-
ity, ZSW = Z = 0.02, and the halo gas has 0.1Z.
We solve for the location of the reverse shock, RRS, by
assuming the shocked wind is in pressure balance with the
unshocked wind’s ram pressure. At the reverse shock, the
unshocked wind has a ram pressure of
Pram(RRS) = ρw(RRS)vw(RRS)
2 (7)
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where the wind density is
ρw(RRS) =
M˙w
4pivw(RRS)R2RS
(8)
for a spherical mass-conserving, time-steady outflow. Set-
ting the ram pressure equal to the thermal pressure in the
shocked wind region given by equation (4) gives
M˙wvw(RRS)(R
3
CD −R3RS) = 2ESWR2RS. (9)
Differentiating equation (9) with respect to time gives the
equation of motion for RRS.
The mass deposition rate of the wind is parameterized
as
M˙w = βSFR (10)
where SFR is the star formation rate and β is the dimen-
sionless mass loading factor. The launch velocity of the wind
is given by
v2l =
2E˙w
M˙w
(11)
where E˙w = αE˙SN for a supernova-driven wind, E˙SN
is the energy output rate of supernovae, and α is a di-
mensionless parameter that describes the thermalization
efficiency of the wind. Assuming ∼ 1051 ergs of en-
ergy per supernova explosion and a supernova rate of ∼
(1 SN per 100 years)(SFR/M yr−1), the wind energy in-
jection rate is
E˙w = 3× 1041α
(
SFR
M yr−1
)
ergs s−1. (12)
(E˙w is the energy injection rate of the wind where it is
launched, at the galaxy, while Lw (equation 5) is the kinetic
energy of the free-flowing wind when it impacts the shell at
a distance RRS from the galaxy.) Note that our model can
be applied to any type of wind-driving mechanism, not just
supernovae. Other mechanisms will have different forms of
E˙w than what we give in equation (12), but our overall for-
malism still holds regardless of the driving process. We can
then scale the launch velocity of a supernova-driven wind to
vl = 973
(
α
β
)1/2
km s−1. (13)
The wind velocity at a distance r from the centre of an
NFW halo, assuming the wind reaches its adiabatic terminal
velocity at a radius that is small compared to the initial
radius of the bubble and then slows down ballistically due
to gravity, will be
vw(r)
2 = v2l + 8piGρ0,DMR
3
s
 log
(
r+Rs
Rs
)
r
−
log
(
Rl+Rs
Rs
)
Rl

(14)
where Rl is the launch radius at which vw = vl, ρ0,DM =
Mh/(4piR
3
s) × [log(1 + cv)− cv/(1 + cv)]−1 is the normal-
ization density of the dark matter halo of mass Mh, Rs =
Rvir/cv is the scale radius and cv is the concentration of the
dark matter halo.
In our fiducial model, the wind blows until 4× 109M
of stars are formed, roughly equivalent to the current gas
mass reservoir in the Milky Way (Draine 2011). The galaxy
thus stops making stars at a time
tSFR = 4
(
SFR
M yr−1
)−1
Gyr. (15)
Galaxies with higher SFRs will stop forming stars sooner
than galaxies with low SFRs. We explore other star for-
mation histories in §5.3, but focus on the case where star
formation shuts off completely at tSFR for the majority of
this paper.
Once the star formation shuts off, the wind stops blow-
ing, and the location of the reverse shock can no longer be set
by pressure balance between shocked and unshocked wind.
Instead, the shocked wind region expands adiabatically at
its sound speed, so the reverse shock expands away from the
contact discontinuity at the shocked wind sound speed, mak-
ing its rest-frame radial velocity vCD−cs,SW. If cs,SW > vCD,
the reverse shock travels backward toward the host galaxy. If
vCD is sufficiently large, the reverse shock continues travel-
ing outward, away from the host galaxy, even as the shocked
wind region expands.
The shocked wind can radiate all its energy if its cooling
time is shorter than its advection time. We calculate the
cooling time as the total thermal energy in the shocked wind
region divided by its cooling rate:
tcool =
ESW
n2SWΛ(TSW, ZSW)
=
3
2
PSW
n2SWΛ(TSW, ZSW)
. (16)
We assume the density of the shocked wind is constant
throughout the shocked wind region:
nSW =
M˙wt
4pi
3
µ(R3CD − r3RS)
(17)
where µ = 1.4mp is the mean mass per particle for a typical
interstellar medium elemental mixture1, mp is the mass of
the proton, and t is the elapsed time the wind has been blow-
ing. The wind shuts off when star formation ends, and the
mass in the shocked wind region no longer increases with
t. Thus, when t > tSFR, t → tSFR in equation (17). The
temperature of the shocked wind, TSW, is then computed
as TSW = PSW/(kBnSW). This temperature is used in equa-
tion (16) to compute the cooling time of the shocked wind.
The bubble’s advection time is
tadv =
RCD
vCD
. (18)
When tcool < tadv, the shocked wind region rapidly cools
and we immediately set its temperature to TSW = 10
4 K.
The new equation of motion once the shocked wind
cools and becomes momentum-conserving is
d
dt
(MbvCD) = p˙w − GMbMenc(RCD)
R2CD
(19)
where p˙w = M˙wvw(RRS) is the momentum deposition rate of
the wind driving the bubble. The cooling of the shocked wind
causes its thermal pressure to drop suddenly, so the location
of the reverse shock must adjust to where the ram pressure of
the unshocked wind again balances the new, lower thermal
1 If the gas is fully ionized, µ = 0.6mp is more appropriate. We
take µ = 1.4mp here to provide a more conservative estimate for
the cooling time tcool.
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pressure of the shocked wind region. We model this adjust-
ment as the unshocked wind “pushing” the reverse shock
at the unshocked wind speed back to a place where pres-
sure balance across the reverse shock is restored, so that
dRRS/dt = vw(RRS) until PSW = Pram(RRS) again. Be-
cause the wind speed is very large, the re-adjustment hap-
pens quickly. If the shocked wind has already radiated its
thermal energy when the wind turns off at t = tSFR, the
shocked wind’s adiabatic expansion back toward the galaxy
is slower because its sound speed is smaller.
2.2 Fiducial Initial Conditions
Our fiducial galaxy has an NFW (Navarro et al. 1996) dark
matter halo density profile with a halo mass Mh = 10
12 M,
concentration cv = 13 (Maller & Bullock 2004), and virial
radius Rvir = 320 kpc, equal to the median virial radius of
galaxies in the COS-Halos sample estimated by Tumlinson
et al. (2013). We launch the bubble from a radius Rl = 1
kpc at t = 0 and follow its evolution for 100 Gyr, or until
it falls back to the host galaxy. The initial radius of the
reverse shock is set to 90% of the initial radius of the contact
discontinuity, Rl. The bubble is launched at a low velocity
relative to the wind, 100 km s−1, but approaches the initial
wind speed, vl, within the first few time steps of integration.
The initial mass and thermal energy of the shell are set to
zero.
We explore three SFRs, four halo gas density profiles,
and three values of the mass loading factor of the wind with
respect to the star formation rate, β. Table 1 lists the com-
binations of β and SFR we use in our fiducial models, and
the effect of these parameters on the wind mass outflow rate,
launch velocity of the wind, and star formation shut off time
(equation 15). The galaxy forms 4× 109 M of stars in ev-
ery model, but models with varying β have different mass
outflow rates (see the third column in Table 1), and hence
varying reservoirs of gas. The three SFRs are 1, 10, and
100 M yr−1, which place the star formation cutoff time at
tSFR = 4, 0.4, and 0.04 Gyr, respectively. The three values
of β we consider are β = 1, 2, and 4, which place the wind
launch velocity at vl = 973, 688, and 486 km s
−1, respec-
tively (equation 13). Two of the halo gas density profiles we
examine are power law profiles,
ρHG = ρ0
(
r
R0
)−x
, (20)
which are all normalized to a density ρ0 = 10
−3µ cm−3 (µ =
1.4mp) at the normalization radius R0 = 10 kpc, roughly in
line with the nH(R) profile found by Werk et al. (2014). We
use powers of x = 1 or 2. We also examine an NFW halo gas
profile with the same normalization density and scale radius
R0, and a Maller & Bullock gas profile (Maller & Bullock
2004, hereafter referred to as “MB”). All density profiles
have the same “core” such that ρHG(r < R0) = ρ0. Denser
halo gas profiles will slow down the evolution of the bubble
as more mass piles onto the contact discontinuity, while less
dense halo gas profiles may allow the expanding wind shell
to escape to large radius.
The first two columns in Table 2 list the halo gas den-
sity profiles and their corresponding integrated gas mass
within Rvir. The halo gas density profiles and masses listed
are the initial conditions, before feedback launches winds
into the halo. Feedback supplies an additional 4× 109 M,
8 × 109 M, or 1.6 × 1010 M of gas to the CGM by the
time star formation ends at tSFR, for β values of 1, 2, or 4,
respectively. The last two columns in Table 2 list the range
of ambient + wind gas masses in the halo after tSFR, for
β = 1 through 4, and the corresponding range of gas baryon
fractions. There is a large range of halo gas masses across
the fiducial models, and we caution that because some of
the ρHG functions produce far too much or too little halo
gas, it is unlikely that any one of the density profiles de-
scribes the halo gas pre-feedback completely. The halo gas
density profiles that provide gas masses closest to gas frac-
tions from cosmological simulations (e.g., van de Voort et
al. 2016) when combined with galactic wind mass are the
power-law profile with x = 2 and the MB profile, but our
models of these profiles have gas baryon fractions roughly
four times smaller than expected for a 1012M dark mat-
ter halo from simulations. We model a single burst of star
formation, and do not account for cosmological filamentary
feeding of gas onto the galaxy; such processes could provide
additional gas to the halo to increase the gas baryon fraction.
Therefore, our results spanning the varied models should be
taken as a range of possible wind bubble outcomes, from one
extreme to another, from a single star formation epoch.
2.3 Caveats to the Model
While simple, computationally inexpensive models are use-
ful for physical understanding and parameter space explo-
ration, there are several drawbacks to the model presented
in this paper. The gravitational potential and launch struc-
ture of the wind are both spherically symmetric because we
model in one dimension, so we do not include the potential
of the galactic disk or the biconical outflow shape often ob-
served and modeled for galactic winds. However, because we
model several halo gas density profiles, a combination of sev-
eral bubbles expanding into different density profiles could
represent wind expanding in different directions in a non-
spherically-symmetric halo gas density profile. In that case,
one density profile could represent a wind bubble expanding
along the minor axis out of a galactic disk, while a separate
density profile would represent the bubble expanding at an
angle to the minor axis, for example.
We also use only smoothly monotonic density profiles
for the halo gas, so we do not allow for clumps or clouds in
the unshocked ambient halo gas. If the shell impacts clumps,
it would slow down, while parts of the shell that do not im-
pact clouds would continue, possibly fragmenting the shell. If
the shocked wind bounded by the contact discontinuity and
reverse shock had not yet cooled, it could escape through
holes in the shell and the dynamics of the bubble would
change as the wind energy leaks out, just as in the case of
shell fragmentation due to instabilities (§3.6) (Harper-Clark
& Murray 2009; Rogers & Pittard 2013; Zubovas & Nayak-
shin 2014).
The halo gas density profiles we use also do not allow
for large-scale variations over the full sphere surrounding
the galaxy, such as dense filaments of cold gas that are ex-
pected to provide gas to star-forming galaxies (e.g., Keresˇ et
al. 2005). By exploring a range of halo gas density profiles,
we hope to capture the effect of wind bubbles traversing a
range of gas structures in the halo. El-Badry et al. (2018)
c© 0000 RAS, MNRAS 000, 000–000
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β SFR (M yr−1) M˙w (M yr−1) vl (km s−1) tSFR (Gyr)
1 1 1 973 4
1 10 10 973 0.4
1 100 100 973 0.04
2 1 2 688 4
2 10 20 688 0.4
2 100 200 688 0.04
4 1 4 486 4
4 10 40 486 0.4
4 100 400 486 0.04
Table 1. The values of β and SFR we vary in our fiducial models, and the corresponding wind outflow rate M˙w (equation 10), wind
launch velocity vl (equation 13), and star formation shut off time tSFR (equation 15). For each combination of β and SFR listed here,
we explore four halo gas density profiles (see Table 2).
Halo gas density profile MHG (M) Ambient + wind gas mass after tSFR (M) Halo gas baryon fraction after tSFR
∝ r−1 2.2× 1011 2.3× 1011 − 2.4× 1011 0.226− 0.238
∝ r−2 1.4× 1010 1.8× 1010 − 3.0× 1010 0.018− 0.030
NFW 4.2× 109 8.2× 109 − 2.0× 1010 0.008− 0.020
MB 2.0× 1010 2.4× 1010 − 3.6× 1010 0.024− 0.036
Table 2. The halo gas density profiles ρHG we use in our fiducial models, the corresponding integrated halo gas mass within Rvir
before feedback turns on, MHG, the range of ambient + wind gas masses within the halo after star formation has finished for the range
of β values, and the corresponding baryon fractions of the halo gas after star formation has finished.
found a spherically-averaged cumulative mass distribution
that is roughly proportional to radius, outside of 0.1Rvir,
surrounding galaxies in the FIRE simulations with 1012M
haloes. This implies a halo gas density, on average, that is
roughly proportional to r−2.
Other than the ambient halo gas density profile, the
star formation history of the galaxy is the most important
factor in determining the motion of the bubble. We assume
simple star formation histories of constant SFR that is in-
stantaneously shut off at tSFR. Galaxy simulations show that
realistic star formation histories may be more complex than
we assume, with periods of bursts and quiescence (Sparre et
al. 2017; Faucher-Gigue`re 2018), and inflowing gas replen-
ishing the star formation reservoir. We also assume the mass
of the galaxy remains constant over the full time we track
the bubble expansion, which is not true for real galaxies. The
mass of the galaxy affects the wind bubble only through its
gravity, which, along with the halo gas density profile, affects
the slow-down of the bubble and if and when it eventually
falls back to the galaxy. The star formation history has a
stronger effect on the bubble, as the energy and momentum
input by star formation feedback in the form of supernovae
are the only driving force of the wind bubble. As evidenced
by our differing results with differing SFRs, a single bub-
ble that experiences many star formation episodes driving
it at different times may have different and more compli-
cated dynamics than we model here. However, the case of
large SFR over a short period of time, like our models with
SFR = 100 M yr−1 that ends at tSFR = 0.04 Gyr, could
represent a short-lived but intense starburst.
3 EVOLUTION OF THE SHELL
We have defined a system of four coupled differential equa-
tions given by equation (1) (or equation 19 after the shocked
wind has cooled), equation (3), equation (5), and the time
derivative of equation (9). We use a standard Runge-Kutta
fourth-order numerical integrator with adaptive time steps
to compute the contact discontinuity radius, velocity, to-
tal shell mass, thermal energy of the bubble, and the re-
verse shock radius. All runs start out with the energy-
conserving equation of motion (equation 1) until the shocked
wind radiatively cools, then the calculation switches to the
momentum-conserving equation of motion (equation 19).
Figures 2, 3, and 4 show the radius (left panels), veloc-
ity (middle panels), and mass (right panels) of the shell as
functions of time for all runs with β = 1, 2, or 4, respec-
tively; each row shows a different SFR, and each differently
colored curve in each panel shows a different halo gas den-
sity profile. Solid curves indicate where the bubble is still in
the energy-conserving phase, before the shocked wind cools.
Where the curves switch to dashed lines indicates that the
shocked wind has radiatively cooled and the bubble is now
momentum-conserving. Vertical black dashed lines show the
time at which star formation shuts off, tSFR. The legends in
the right panels indicate the mass of the shell at either the
time when the shell falls back to the galaxy, if it does, or at
the end of integration, if it does not. We integrate all bubble
evolution runs until 100 Gyr to capture late-time fall-back,
but focus on the evolution of the bubble only within the
galaxy halo because we do not model the transition from
halo to intergalactic medium.
The majority of the bubbles reach a mass of both
shocked wind material and swept-up halo gas of ∼ 2 − 5 ×
1010 M by either the time they fall back to the galaxy, or
the integration ends, as shown by the legends in the right
panels. The most massive bubbles are those with β = 1, SFR
= 1 M yr−1, and expanding through power-law halo gas
density profiles, but these bubbles do not have radiatively
cooling shocked wind until after they begin to fall back to-
ward the galaxy. The total mass of the bubble depends on
both the mass of wind material passing through the reverse
shock and the integrated halo gas density profile out to the
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Figure 2. The radius (left panels) and velocity (middle panels) of the contact discontinuity and mass of the bubble (right panels) as functions of time, all for wind bubbles run with
β = 1. Curve color indicates runs with different halo gas density profiles; black and green curves for power-law halo gas density profiles with powers x = 1 and 2, cyan and magenta
curves for NFW and MB halo gas density profiles. From top to bottom in left and centre panels, the profiles are NFW, power-law with x = 2, MB, then power-law with x = 1. This
order is flipped in right panels. Top row shows bubbles driven by a SFR of 1 M yr−1, middle row shows those driven by a SFR of 10 M yr−1, and bottom row shows those driven
by 100 M yr−1. The curves are solid when the bubble is energy-conserving and switch to dashed when the shocked wind radiatively cools and the bubble’s evolution switches to
momentum-conserving. Vertical dashed lines in each panel show the time when star formation turns off, at 4, 0.4, or 0.04 Gyr, respectively, from top to bottom. Legends in right panels
show the maximum mass of the shell, which occurs either when it falls back to the galaxy or at the end of integration. All bubbles shown here were launched from a radius of Rl = 1
kpc with a wind launch speed of vl = 973 km s
−1. See online journal for a color version of this figure.
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Figure 3. Same as Figure 2, but for β = 2. In these cases, the wind launch velocity is vl = 688 km s
−1 (equation 13).
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Figure 4. Same as Figure 2, but for β = 4. In these cases, the wind launch velocity is vl = 486 km s
−1 (equation 13).
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maximum radius the bubble reaches during the integration
time. Because there is a non-monotonic relation between
bubbles with higher wind mass (larger β or larger SFR) and
how far they travel, there is also a non-monotonic relation
between β or SFR and the total bubble mass at the end
of integration. For example, the bubble with SFR = 10 M
yr−1 expanding through a power-law halo gas density profile
with power x = 2 (red curves in centre panels in Figures 2, 3,
and 4) reaches ∼ 500 kpc when β = 1, ∼ 600 kpc when
β = 2, but ∼ 300 kpc when β = 4. Accordingly, the total
masses of these bubbles when they fall back to the galaxy
are 2.65×1010 M when β = 1, 3.28×1010 M when β = 2,
and 3.12× 1010 M when β = 4. The change in the bubble
mass is not proportional to the change in β.
For all SFRs and values of β, the NFW (cyan) halo gas
density profile allows bubbles to travel the furthest during
the integration time and also tends to produce the least
massive bubbles. For most values of β < 4, these bubbles
escape the host galaxy, driving a wind that will never fall
back. The exception is the case with β = 2 and SFR = 1 M
yr−1, which has a bubble mass at the time of fall-back of
∼ 1.4×1010 M, larger than bubbles run with the other halo
gas density profiles for this combination of β and SFR. This
is because this bubble travels significantly further than those
traveling through other halo gas density profiles, so despite
the steeply-declining NFW density profile, it sweeps up more
mass overall. As the middle panels show, the velocities of the
shells moving through the NFW halo gas density profile are
much higher than the other density profiles.
For those bubbles that collapse after tSFR when the
wind is no longer blowing, the collapse is free-fall. If fall back
occurs before tSFR, momentum input from the still-blowing
wind can slow the fall somewhat, but the wind momentum is
not large enough to overcome the gravitational force. All the
swept-up mass and wind mass returns to the galaxy, and the
time from shell turn-around to galaxy return can be between
∼ 300 Myr and ∼ 10 Gyr, where shells that have traveled
further before falling take longer to return to the galaxy.
Most bubbles that fall have a total (swept + wind) mass of
Mb ∼few ×1010 M, which could trigger another episode of
star formation. However, our assumption of simple free-fall
is likely inaccurate, as any fragmentation of the shell as it
travels through the halo could populate the interior volume
of the bubble with clouds that alter the motion of the shell
as it falls. In addition, radiation pressure from the galaxy’s
light (Murray et al. 2005, 2011), ongoing stellar winds, or
other processes we do not model, could change the proper-
ties of shell as it falls. We focus here on the properties of the
shell while it is in the CGM and not the effects of its return
to the galaxy.
Figure 5 presents a summary of how far into the galactic
halo the modeled wind bubbles travel and how much time
they spend beyond 100 kpc from the host galaxy, for the
parameters we explore. By comparing the size of the points
within each column, we see that the halo gas density profile
is the strongest determining factor of how far a bubble trav-
els into the CGM. The bubbles expanding through the NFW
halo gas density profile travel significantly further than the
others, and spend > 10 Gyr beyond 100 kpc. By comparing
the points within each grouping of three, we see that the
value of β can have an effect on how long the bubble spends
beyond 100 kpc, with typically lower values of β leading to
x = 1 x = 2 NFW MB
Halo gas density profile
1
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1 ]
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Figure 5. A summary plot showing how far the modeled bubbles
travel into the CGM and how long they spend past 100 kpc. Each
group of three points are models run with the SFR and halo gas
density profile that they align with on the vertical and horizontal
axes, respectively. Each point within the group of three is for a
bubble run with a different value of β, where the bottom point has
β = 1, the middle point has β = 2, and the top point has β = 4.
The size of the points is logarithmically scaled to the maximum
distance reached by the bubble, and the point shape and color
indicate the time spent beyond 100 kpc: open circle for < 2 Gyr,
filled circle for 2− 5 Gyr, open hexagon for 5− 10 Gyr, and filled
hexagon for > 10 Gyr.
longer-lived bubbles at large radii. There is no clear mono-
tonic trend in either distance reached or time spent beyond
100 kpc with any of the parameters we explored, indicat-
ing that the physics determining the extent and longevity of
the bubble depend on how the parameters couple with each
other instead of on any one parameter.
For all combinations of β, SFR > 1 M yr−1, and halo
gas density profile, the bubbles radiatively cool and reach
large distances & 100 kpc, and remain there for at least 2−10
Gyr before falling back to the galaxy, if they fall back. These
bubbles also reach large masses of 2 − 5 × 1010 M, made
up of both swept-up halo gas and wind material launched
from the galaxy, and are slow, up to a few hundred km s−1,
despite being driven by wind with velocities vw ∼ 400−1000
km s−1. These cases are examples of our main result that
galactic winds can drive cool, massive shells to very
large distances at slow speeds, where they “hang”
for a very long time, even after star formation ceases
and the galaxy is no longer actively blowing a wind.
Note that we define β as the mass-loading of the wind
M˙w/SFR ∼ Mw/M? at the time it is launched from the
galaxy. As the bubble expands and sweeps up halo gas, the
bubble mass increases drastically, thus increasing the “effec-
tive” mass loading of the bubble above the mass loading at
launch. Most bubbles have mass Mb ∼ 2−5×1010 M, but
the mass of gas turned into stars by tSFR is always 4×109 M
by design. Thus, βeff ∼ (Mw + Mswept)/M? ∼ 5 − 12 for
most fiducial models, where βeff is the total mass-loading of
both the wind at launch and the swept-up halo gas at the
end of the integration. We plot βeff as a function of time
for all fiducial models in Figure 6. The initial mass loading
c© 0000 RAS, MNRAS 000, 000–000
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Figure 6. βeff = (Mw+Mswept)/M? as a function of time for all
fiducial models. Top row shows wind models with β = 1, middle
row shows β = 2, and bottom row shows β = 4. Line color shows
the halo gas density profile, see online journal for a color version
of this figure. Line style indicates the SFR: 1 M yr−1 (solid),
10 M yr−1 (dashed), or 100 M yr−1 (dotted).
of the wind begins at the launch value β, but quickly in-
creases as the bubble sweeps up halo gas mass. βeff is not
directly related to the ratio of swept-up gas to the wind gas,
Mswept/Mw, however, because most bubbles have similar βeff
by the end of integration despite being launched with differ-
ent initial β. Because different fiducial models have different
M˙w (see Table 1), they have different Mw and thus different
Mswept/Mw by the end of integration. The wind mass and
swept-up mass may have different metallicities from each
other due to the difference in metallicity between a galaxy’s
interstellar medium and its gas halo; we assume Z for the
wind and 0.1Z for the halo gas. The ratio of swept-up mass
to wind mass affects the overall metallicity of the bubble.
3.1 Other Initial Conditions
We examined power-law halo gas density profiles with x = 0,
a constant density halo, and x = 3, a very steeply-declining
density profile, but do not plot these profiles in all fig-
ures because they produce too massive and not massive
enough gaseous haloes, respectively. For all values of the
other parameters β and SFR, wind bubbles expanding into
the constant-density gas halo (x = 0) do not reach radii
larger than ∼ 70 kpc before gravity pulls the bubble’s shell
back toward the galaxy. For the steeply-declining density
profile with x = 3, the bubble continues to expand indefi-
nitely to the end of the integration time at 100 Gyr, with a
large velocity ∼ 400− 800 km s−1 even at 10 Mpc from the
galaxy in nearly all cases. Despite these density profiles pro-
ducing unrealistic gaseous haloes, they represent effective
limits on the variety of wind-blown bubble solutions and
demonstrate the importance of the halo gas density profile
in the evolution of the bubble. Throughout the rest of the
paper, we focus on the more physically relevant halo gas
density profiles shown in Figures 2 through 4.
We assume the thermalization efficiency α = 1, which
implies that the full energy of the galaxy’s supernovae is con-
verted into heating the wind material that pressurizes and
drives the bubble. Although Strickland & Heckman (2009)
find α ∼ 1 is necessary to produce the diffuse X-ray emis-
sion of M82’s wind, it is interesting to consider α < 1. If only
10% of the supernova energy heats the wind, then α = 0.1.
In this case, the bubble launch velocities are lower by a fac-
tor of
√
10 ∼ 3 (equation 13), and the bubbles across all
values of β, SFR, and halo gas density profile barely reach
10− 40 kpc. However, because of the low energy being sup-
plied to the bubble by the low heating efficiency, all bubbles
with α = 0.1 radiatively cool early on in their evolution. An
α = 0.3 allows the bubbles to expand further than α = 0.1,
so that those bubbles with β = 1 and SFR = 10 or 100 M
yr−1 expand up to ∼ 100 − 200 kpc over 1 − 5 Gyr, while
still radiatively cooling early on in their evolution. However,
these bubbles have lower masses 7 × 109 − 1010 M before
falling back to the galaxy. No other values of β and SFR
allow the bubbles to expand over 100 kpc when α = 0.3.
We focus on α = 1 throughout this paper but caution that
α is observationally poorly constrained and may take other
values.
3.2 Maximum β
For a hot wind expanding adiabatically out of a galaxy,
Thompson et al. (2016) showed there is a critical value of β
that places the cooling radius of the hot, pre-shocked wind,
rcool, at the launch radius of the wind, Rl. Values of β & βcrit
do not produce a supersonic wind that drives a galactic wind
bubble, but instead a subsonic “breeze” that does not escape
the galaxy (Silich et al. 2011; Bustard et al. 2016). Scaling
βcrit to our fiducial parameters (see equation 8 in Thompson
et al. 2016) gives
βcrit ' 5α0.73
(
Rl
1 kpc
)0.27(
SFR
1 M yr−1
)−0.27
. (21)
When α = 1, βcrit ∼ 5, 2.7, or 1.5 for SFR = 1, 10, or
100 M yr−1, respectively. Figure 3 shows bubbles with
β > βcrit for SFR = 100 M yr−1 and Figure 4 shows bub-
bles with β > βcrit for SFR > 1 M yr−1, so these bubbles
may be physically unrealistic if driven purely by an adia-
batic hot wind. However, we include them in our analysis so
as not to rule out other types of wind driving, such as radia-
tion pressure, cosmic rays, or non-thermal winds (see §5.2).
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We thus stress that only those models with β < βcrit can
be driven by adiabatic hot winds, and other driving mech-
anisms may be necessary to produce other galactic wind
bubbles with higher mass loading.
3.3 Reverse Shock Radius
The shocked wind region between the reverse shock and the
contact discontinuity radiatively cools in most of our fidu-
cial bubbles to produce cool gas that may give rise to the
low-ionization state metals observed in absorption. The re-
verse shock radius, RRS, and the thickness of the shocked
wind region, RCD − RRS, are shown as functions of time
in the left and right columns, respectively, of Figure 7, and
different values of β are shown in each row, increasing from
top to bottom. When the shocked wind radiatively cools, the
shocked wind region quickly compresses to balance the wind
ram pressure with the lower thermal pressure in the shocked
wind region, producing the sudden decrease in RCD − RRS
at early times in all models other than β = 1 and SFR
= 1 M yr−1. Even after the shocked wind has cooled and
compressed, if star formation is still ongoing, more energy
and mass is being deposited into the shocked wind region, so
the thickness of this region can continue to grow at a steady
rate. Sharp increases in RCD − RRS occur either when the
bubble falls back to the galaxy or when the star formation
shuts off, and the previously-shocked wind begins adiabat-
ically expanding at its sound speed relative to the contact
discontinuity, no longer constrained by the wind ram pres-
sure. After the wind shuts off, the region internal to the
reverse shock is empty of gas, so RRS marks the inner ra-
dius of the previously-shocked wind as it expands, while the
outer radius is still marked by RCD.
If cooled, the shocked wind region is ∼ 1−10 pc thick at
early times t . 2 Gyr in all models. When the wind turns off
at t = tSFR, the shocked wind expands to RCD−RRS ∼ 1−10
kpc by the end of integration or by the time the bubble
falls back to the galaxy. When RCD − RRS is at its mini-
mum, it is ∼ 10−4RCD; the shell of the bubble is extremely
thin compared to its radius. Even at its maximum, typi-
cally immediately before the bubble falls back to the galaxy,
RCD −RRS is only ∼ 10% the radius of the bubble in most
fiducial models. The one fiducial combination of β and SFR
in which the shocked wind does not radiatively cool, β = 1
and SFR = 1 M yr−1, has a much thicker shocked wind
region, ∼ 50% of the radius of the bubble at its maximum
before the wind shuts off. When t > tSFR, RRS returns to
the galaxy before RCD does, so the shocked wind fills 100%
of the bubble volume. However, for β = 1 and SFR = 1 M
yr−1, the shocked wind does not radiatively cool and thus
cannot produce the low-ionization state metal absorption
lines seen in absorption that arise from lower temperature
gas, unless it mixes with cool gas in the shocked halo gas
region (see §3.6 for Rayleigh-Taylor instability mixing).
In all cases where the bubble eventually falls back to the
galaxy, the reverse shock reaches the galaxy first. If the wind
has shut off and the contact discontinuity is falling back to-
ward the galaxy, then RRS will fall back even faster, because
the shocked wind expands relative to the contact disconti-
nuity. In the cases where the bubble does not fall back to
the galaxy in the 100 Gyr that we integrate, such as some of
the bubbles expanding into the NFW halo gas density pro-
file, then even though the inner edge of the shocked wind
expands away from the contact discontinuity at its sound
speed, it cannot fall all the way back to the galaxy because
the contact discontinuity is traveling faster than the shocked
wind’s sound speed.
3.4 Forward Shock Radius
The swept-up halo gas is located between the contact discon-
tinuity and the forward shock. If the cooling time for this gas
is shorter than the bubble’s advection time, it can also cool
and contribute to the observed low-ionization state metal
line absorption. We find the forward shock radius, RFS, by
assuming pressure balance across the contact discontinuity
such that the pressure in the shocked wind region is equal
to the pressure in the shocked halo gas. The temperature of
the shocked halo gas, TSHG, is the post-shock temperature,
which depends only on the velocity of the forward shock un-
der the strong shock assumption, and we assume the forward
shock velocity is equal to the contact discontinuity velocity.
The temperature is given by
TSHG =
3
16
µmp
kB
v2CD. (22)
Using the ideal gas law, the assumption that PSW = PSHG,
and this temperature, we can find the density of the shocked
halo gas2:
nSHG =
PSW
kBTSHG
, (23)
and we assume the density of the shocked halo gas is con-
stant throughout the region. The total mass in the shocked
halo gas is the swept-up mass of halo gas, so from the density
and mass we can find the location of the forward shock:
RFS =
(
Mswept
4pi
3
µmpnSHG
+R3CD
)1/3
. (24)
If the shocked halo gas cools, we immediately set its tem-
perature to TSHG = 10
4 K. The calculation of RFS then
proceeds from equations (23) and (24) the same way.
In all cases, the shocked halo gas radiatively cools early
in the evolution of the bubble, so the thickness of the shocked
halo gas, RFS−RCD, is small, ∼ 0.1−10 pc while the wind is
still blowing. When the wind shuts off, RCD−RRS increases,
reducing the shocked wind pressure, so RFS − RCD must
increase as well to keep pressure balance across the contact
discontinuity. When the bubble falls back to the galaxy, or at
the end of integration if it does not fall, RFS−RCD ∼ 1−10
kpc for all fiducial bubbles, or . 1 − 10% of the bubble
radius.
Because the forward shock is close to the contact dis-
continuity at all times for all models, our assumption of
thin-shell dynamics is valid. The very thin structure of the
shocked halo gas also implies that the absorption velocities
2 The density immediately behind the shock can also be found in
the strong shock assumption as nSHG = 4nHG, and the density
found from the ideal gas law is similar to this value. We do not
use the strong shock assumption for the density as it holds only
immediately behind the shock, and we are more interested in the
density throughout the shocked halo gas region, which we assume
to be constant and consistent with the ideal gas law.
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Figure 7. The distance of the reverse shock from the centre of the galaxy (left panels) and the thickness of the shocked wind region
(right panels) as functions of time are shown for all wind models. Top row shows wind models with β = 1, middle row shows β = 2,
and bottom row shows β = 4. Line color shows the halo gas density profile, see online journal for a color version of this figure. Line
style indicates the SFR. Decreases in RCD − RRS (right panels) occur when the shocked wind radiatively cools and so the distance
between the reverse shock and the contact discontinuity is compressed. Sudden increases in RCD−RRS occur when the star formation
shuts off, and the shocked wind begins to expand adiabatically at its sound speed relative to the contact discontinuity. Very low values
of RCD − RRS indicate shocked wind regions that have radiated most of their thermal energy and therefore must be compressed to
balance the lower thermal pressure of the shocked wind with the ram pressure of the unshocked wind.
produced by cooled gas in this region would not appear dif-
ferent from the absorption velocities produced by the cooled
shocked wind gas, as the two regions of gas are moving at
approximately the same velocity and are approximately co-
spatial. Our predictions of the velocity centres and widths
of the absorption features are therefore not changed much
by including absorption from the shocked halo gas in addi-
tion to the absorption from the shocked wind. However, the
shocked halo gas region may have different column densi-
ties and metallicities (see §4.1). If the shocked halo gas has
cooled but the shocked wind has not, such as in our mod-
els with β = 1 and SFR = 1 M yr−1, then the shocked
halo gas and the shocked wind will have similar kinematics
but different thermal properties, possibly producing comov-
ing absorption of low- and high-ionization state metal lines
(Tripp et al. 2011).
3.5 Cooling of Pre-shocked Wind
Thompson et al. (2016) calculated the radiative cooling ra-
dius of an adiabatically expanding hot wind, which depends
strongly on β, as well as on the launch radius of the wind
and the SFR (Wang 1995; Efstathiou 2000; Silich et al.
2003; Tenorio-Tagle et al. 2003). Hot wind cooling can oc-
cur even without passing through a shock that condenses
the wind and raises the density. We reproduce equation (6)
from Thompson et al. (2016), including the factor of µ2.13 in
equation (3) from Schneider et al. (2018), for our spherical
wind of solar metallicity here:
rcool ' 4 kpc α
2.13
β2.92
µ2.13
(
Rl
0.3 kpc
)1.79(
SFR
10 M yr−1
)−0.789
.
(25)
Figure 1 shows the location of rcool relative to other regions
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of the bubble. For our fiducial values of β and SFR that
are allowed for purely adiabatic hot wind (§3.2), the cooling
radius of the pre-shock wind varies between ∼ 8 − 440 kpc
(but rcool < 80 kpc for all models other than β = 1 and SFR
= 1 M yr−1). This verifies the prediction of Thompson et
al. (2016) that if the free-flowing wind radiatively cools, the
shocked wind does as well. Outside of rcool but within the
shock at RRS, the pre-shock wind has cooled and thus can
contribute to the low-ionization state metal absorption along
any sight line that passes through it.
The cooling of the pre-shock wind is only important for
observations of low-ionization state metal absorption lines
before the wind turns off, which occurs early in the evolu-
tion of the bubble for the higher SFR models, which have
smaller tSFR. We are most interested in the late-time evolu-
tion of the wind bubble, because it is only at late times that
it reaches large distances from the host galaxy. In addition,
cooling of the pre-shock wind does not significantly affect
the motion of the bubble structure, as only the kinetic lu-
minosity of the wind drives the bubble and the post-shock
temperature is set only by the bulk velocity of the wind,
which is affected by gravity more than by cooling (Thomp-
son et al. 2016). We conclude that the cooling of the pre-
shock wind is only important for producing the COS-Halos
observational results at large impact parameters for a se-
lect few of the models that reach large distances before tSFR
and have small cooling radii, and we include the cooled pre-
shocked wind for those models when calculating the column
densities and absorption line velocities (§4).
3.6 Instabilities
Spherical shock waves are susceptible to the Vishniac insta-
bility, a type of thin-shell instability (Vishniac 1983; Ryu &
Vishniac 1987). A fully 3D simulation is necessary to cap-
ture the evolution of instabilities in the wind bubble, but
Vishniac & Ryu (1989) provide analytic estimates for the
timescale of instability growth and the size range of pertur-
bations that induce the instability for an isothermal shock.
Because the shocked halo gas rapidly radiatively cools in all
our fiducial models, the shock is approximately isothermal
despite the immediate post-shock heating very close to the
shock, and the density contrast across the shock is & 100,
much larger than the density contrast of ∼ 25 required for
the shock to be unstable (Vishniac & Ryu 1989). The mini-
mum timescale is given by inverting their equation (18a) for
the maximum growth rate of instabilities, which we show
here using the appropriate parameters for our model:
tVishniac = 2
(
c2s,HGσSHG
−PSHG dvFSdt
)1/2
(26)
= 20 Myr
( cs,HG
100 km s−1
)( σSHG
10−5 g cm−2
)1/2
×
(
PSHG
10−14 erg cm−3
)−1/2(
dvFS/dt
10−6 cm s−2
)−1/2
(27)
where cs,HG is the speed of sound in the ambient halo gas
into which the forward shock expands, PSHG and σSHG =
ρSHG(RFS−RCD) are the pressure and surface density within
the shocked halo gas region, and dvFS
dt
is the acceleration of
the forward shock. The shock is unstable when dvFS
dt
< 0,
when the bubble is decelerating.
Instabilities will be induced on the timescale given by
equation (26) if perturbations of a certain size are introduced
to the shock front. Equation (18b) in Vishniac & Ryu (1989)
gives the maximum size of a perturbation that would make
the shock Vishniac-unstable, which we reproduce here with
the appropriate parameters for our model:
λmax = 2pic
2
s,HG
(
−PSHG dvFSdt
σSHG
)−1/2
(28)
= 6.4 kpc
( cs,HG
100 km s−1
)2( σSHG
10−5 g cm−2
)1/2
×
(
PSHG
10−14 erg cm−3
)−1/2(
dvFS/dt
10−6 cm s−2
)−1/2
(29)
For our fiducial models, the timescale for Vishniac in-
stability growth increases as the bubble grows in size, so it
is most unstable early in its evolution. The timescales grow
from 1 Myr to 1 Gyr during the first Gyr of the bubble’s evo-
lution, for all combinations of the fiducial initial conditions.
During this time, the minimum perturbation size that would
induce these instabilities grows from 1 to 100 kpc. If there
are denser clouds of sizes 1−100 kpc in the ambient halo gas,
they would produce instabilities in the shell of the galactic
wind bubble as the outer shock wave impacts them. These
instabilities would grow on timescales of a few to hundreds
of Myr, potentially fragmenting the shell over this period
of time. The system of shell fragments resulting from the
instability will have a distribution of velocities that could
increase the velocity width of absorption observed from the
system.
In addition to the thin-shell Vishniac instability,
the wind bubble may be Rayleigh-Taylor unstable. The
Rayleigh-Taylor instability arises when a less-dense fluid ac-
celerates into a more-dense fluid. The Rayleigh-Taylor insta-
bility may grow at the contact discontinuity depending on
the acceleration of the bubble and the ratio of the gas den-
sities on either side of the contact discontinuity. Any type
of instability can fragment thin shells, leading to a “bubble
blowout” where the shocked wind contained in the bubble
by the contact discontinuity can escape through the frag-
ments of the shell (Harper-Clark & Murray 2009; Lopez
et al. 2011). Escaping pressurized wind reduces the pres-
sure driving of the bubble and affects the overall motion
of the full bubble structure. If the shell fragments only af-
ter the shocked wind has cooled, the bubble has already
transitioned from pressure-driven to momentum-driven, and
the loss of pressure through holes in the shell does not al-
ter the momentum-conserving equation of motion (equa-
tion 19). However, heavy shell fragmentation can alter the
momentum-driven equation of motion because the wind may
escape through holes without depositing all of its momen-
tum. If the shell fragments after the wind has turned off at
t = tSFR, then the equation of motion (equation 19) depends
only on gravity and the fragmentation of the shell does not
alter it. In addition to fragmenting the shell, instabilities can
promote mixing between the shocked wind and the shocked
swept-up halo gas.
The height of Rayleigh-Taylor fingers at the contact dis-
continuity can be modeled in a 1D analytic form under the
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assumption of self-similarity and in the absence of viscosity
as (Dimonte et al. 2004)
dh
dt
∼ ηgeff
(
ρ1 − ρ2
ρ1 + ρ2
)
t (30)
where h is the height of the instability, geff is the net accel-
eration felt by a particle sitting on the contact discontinuity,
ρ1 and ρ2 are the densities on either side of the boundary
defined such that ρ1 > ρ2, and η is a numerical value; we
take η ∼ 0.1 (Dimonte et al. 2004). Rayleigh-Taylor growth
occurs only when geff points from the high-density region to
the low-density region, where geff is given by (Pizzolato &
Soker 2006)
geff = −GMenc(RCD)
R2CD
− dvCD
dt
(31)
and the sign of geff indicates whether it points outward (pos-
itive) or inward (negative). Rayleigh-Taylor instability fin-
gers grow when the density of the shocked halo gas is greater
than the density of the shocked wind, ρSHG > ρSW, and
geff < 0. The net acceleration is negative either when the
bubble is accelerating, dvCD
dt
> 0, or when the bubble is
decelerating, dvCD
dt
< 0, and
∣∣∣GMenc(RCD)
R2CD
∣∣∣ > ∣∣∣dvCDdt ∣∣∣. Insta-
bilities can also grow when ρSHG < ρSW and geff > 0, which
occurs when the bubble is decelerating and
∣∣∣GMenc(RCD)
R2CD
∣∣∣ <∣∣∣dvCDdt ∣∣∣.
Because we set the location of the forward shock by
requiring pressure balance between the shocked wind and
shocked halo gas, the densities in the shocked wind and the
shocked swept-up halo gas are equivalent when both regions
of the bubble have radiatively cooled to the same temper-
ature T ∼ 104 K. The shocked swept-up halo gas just out-
side the contact discontinuity radiatively cools almost im-
mediately, so the densities are non-equal only before the
shocked wind has radiatively cooled. For all models other
than β = 1 and SFR = 1 M yr−1, the shocked wind cools
early, so there is not much time for instabilities to grow.
During the brief time when the shocked halo gas has cooled
but the shocked wind has not, the bubble is accelerating, so
geff < 0, and the density of the shocked halo gas is always
larger than the density of the shocked wind for all fiducial
models, ρSHG > ρSW. This causes Rayleigh Taylor instabili-
ties to grow, but for most models, they grow for only ∼few
Myr at most and do not reach sizes larger than ∼ 20 − 30
pc, as estimated by equation (30) before the shocked wind
cools and the shell is no longer unstable.
The shell fragments if the height of the instabilities
reaches the thickness of the shocked wind region (Samui
et al. 2008). The thickness of the shocked wind just before
it cools, when the Rayleigh-Taylor instabilities reach their
maximum height, is typically ∼ 100 pc (Figure 7). However,
the shocked wind collapses when it cools and RCD − RRS
shrinks to ∼ 5− 10 pc, smaller than the height of the insta-
bilities. Even though the instabilities are no longer growing
when the shocked wind region shrinks, the perturbations in
the shell left by the Rayleigh-Taylor fingers could cause the
shell to fragment. The Vishniac instability causes fragments
at the same scale as the perturbations that introduce the
instability, anywhere from a few to 100 kpc. The shell is
certainly thinner than the scale of these perturbations after
it has cooled, so the Vishniac instability can fragment the
shell as well. A full 3-dimensional exploration of the galactic
wind bubble structure is necessary to fully model the insta-
bility growth and fragmentation of the shell, and to follow
the evolution of the fragments. We analyze the evolution
of the wind bubble without instabilities and fragmentation,
but caution that these processes may alter the evolution of
the bubble significantly. Sarkar et al. (2015) find that in-
stabilities in the shell cause a multiphase wind structure to
form, promoting mixing with the halo gas, and some result-
ing clumps may fall back to the galaxy while others continue
further into the halo.
4 COMPARISON WITH OBSERVATIONS
The COS-Halos survey (Tumlinson et al. 2013) investigated
the haloes of 44 galaxies using background quasar spectra
observed with the Cosmic Origins Spectrograph on the Hub-
ble Space Telescope. The sight lines toward the quasars had
impact parameters ranging from 20−154 kpc from the fore-
ground galaxies, and 75% of the spectra revealed absorption
lines of low or intermediate ionization state metals. Werk
et al. (2014) estimated a lower limit on the total mass of
cool gas of ∼ 6.5 × 1010 M in the CGM out to 300 kpc
as traced by H I absorption column densities. Keeney et al.
(2017) observed 16 quasar spectra probing the CGM of 37
galaxies with impact parameters ranging from 7− 505 kpc,
and estimated a cool gas mass of ∼ 3.2 × 1010 M in the
CGM. As evidenced by Figures 2, 3, and 4, under certain
conditions our models can produce cooled wind bubbles with
masses 1010 − 1011 M at several hundred kpc from galax-
ies, consistent with either Werk et al. (2014) or Keeney et
al. (2017). In addition, the presence of cool CGM at large
impact parameters in the COS-Halos observations persists
when viewing passive, non-star-forming galaxies (although,
there is a bimodality in higher ionization lines like O VI be-
tween star-forming and passive galaxies, see Tumlinson et
al. 2011). Our model is consistent with these observations,
as shells can spend an extended period of time at large dis-
tances from the host galaxy, even after star formation shuts
off and the host galaxy would be observed as passive.
4.1 Densities and Temperatures
The COS-Halos observations and those in Keeney et al.
(2017) provide column densities, which depend on the thick-
ness of the absorbing region, its density, and its geometry.
Column densities are degenerate with physical density in the
absorption regions, impact parameter of the quasar spec-
trum probing the bubble, and the thickness of the cooled
gas regions RCD−RRS, RFS−RCD, and RRS− rcool, where
the latter is only present when t < tSFR. We use the modeled
physical evolution of the shell to derive observables.
Modeled column densities depend on not just the physi-
cal structure of the bubble, but also on the age of the bubble
when it is observed and if the wind is still blowing during ob-
servation. We eliminate the dependence on impact parame-
ter by calculating the area-averaged column density over the
full shell. At small impact parameters, the column density
will be smaller than this average because impact parameters
that pass close to the middle of the shell see the thinness of
the shell without projection effects. Impact parameters b
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with RRS < b < RFS graze the bubble’s shell and obser-
vations with these impact parameters will reveal a higher
column density of cool gas. However, RFS −RRS ∼ 1− 10%
of the bubble’s radius, so is it statistically unlikely for a
line of sight with a random impact parameter to satisfy
RRS < b < RFS. When t < tSFR, the pre-shock wind out-
side its cooling radius rcool contributes to the total cool gas
column density. The shocked wind and shocked swept-up
halo gas contribute to the cool gas column density only af-
ter those regions of the bubble have cooled, which occurs at
early times t ∼ 1 Myr for all models where cooling occurs at
all. The models with β = 1 and SFR = 1 M yr−1 are the
only models where the shocked wind does not radiatively
cool and does not contribute to the cool gas column density.
Figure 8 shows the area-averaged cool gas column den-
sity of hydrogen with β = 1 (top row), β = 2 (middle row),
and β = 4 (bottom row), as functions of time (left panels)
and functions of RCD (right panels). Note that the right
panels do not show column density as a function of impact
parameter from the host galaxy in the model curves; they
show column density as a function of the location of the con-
tact discontinuity, which changes with time such that larger
RCD generally corresponds to later times. When the shell
is at a distance RCD as shown on the horizontal axis, the
observed column density will be approximately that on the
vertical axis no matter the impact parameter of the obser-
vation, as long as b < RFS. In this way, the model curves in
the right panels can be viewed as “right-limits” — the ob-
served column will, on average, be the plotted logNH for any
impact parameter that falls to the left of the model curve.
The column density increases as both the wind mass
and swept-up halo gas mass increase, then begins to decrease
slowly as the bubble expands further and the bubble’s mass
is spread thin, despite the always-increasing total mass of
the bubble. When the bubble passes the cooling radius of
the pre-shock wind at rcool, the mass of cool pre-shock wind
is added to the column density, and there is a slight increase
in the area-averaged column density. The location of the
increase in logNH in the right panels corresponds to the
shell of the bubble passing rcool, if it reaches rcool while
t < tSFR. This increase is visible in the β = 1 and SFR
= 100 M yr−1 (dotted) curves at 10 kpc, for example. For
many combinations of β and SFR, the bubble either does
not reach rcool before the wind shuts off, or rcool is located
at (or below, see §3.2) the wind launch radius.
The black points in the right panels show the total hy-
drogen column density reported by Werk et al. (2014) and
Keeney et al. (2017). The data are shown as functions of
impact parameter, unlike the model curves, which are pre-
sented as functions of RCD. Because the model curves fall
to the right of the majority of data points, they predict
the column density observations well, but tend to somewhat
over-predict logNH for β = 4. Prochaska et al. (2017) give
stricter estimates on the H I column density for a handful
of the COS-Halos galaxies shown in Figure 8 that generally
revise the column densities up by factors of ∼ 0.2− 0.5 dex,
so our models may not as strongly over-predict logNH when
compared to the revised values. The models can reproduce
the smallest observed values of logNH if these columns are
due to observing a very large bubble, as the largest bubbles
have the smallest column densities.
The mean redshift of the galaxies in the COS-Halos
and Keeney et al. (2017) samples are z ∼ 0.2 and z ∼ 0.02,
respectively, corresponding to cosmic ages ∼ 11 Gyr and
∼ 13 Gyr for a flat ΛCDM universe, so the wind-blown bub-
ble could have had at least 10 Gyr to evolve by the time
of observation. We can also compare our hydrogen column
density results to measurements of circumgalactic hydrogen
at higher redshift z ∼ 2.3, when the universe was only ∼ 3
Gyr old and any wind bubbles around galaxies at this red-
shift could not have been evolving for more than a couple
Gyr. Rudie et al. (2012) measured the H I column densi-
ties of absorbers within 300 comoving kpc of galaxies at
a mean redshift of z ∼ 2.3 and found a large spread in
logNHI ∼ 14 − 18 at all impact parameters 50 . b . 300
comoving kpc. They do not convert their measurement of
logNHI to logNH so we cannot directly compare to our mod-
els, but COS-Halos (Tumlinson et al. 2013) and Keeney et
al. (2017) both find logNHI ∼ 13 − 18 for impact parame-
ters b ∼ 50 − 500 kpc, and up to logNHI ∼ 20 for b . 50
kpc, in rough agreement with logNHI found by Rudie et al.
(2012). The ionizing photon rate is roughly 10 times larger
at z ∼ 2 than at z = 0.2 (Kollmeier et al. 2014), so values of
logNHI ∼ 14 − 18 would convert to larger values of logNH
at z ∼ 2 than at z = 0.2. Our models tend to somewhat
over-predict logNH, so even larger values than those mea-
sured by COS-Halos and Keeney et al. (2017) could still be
consistent with our models, but high-redshift wind bubbles
have had significantly less time to evolve. The models with
β = 1 or β = 2, SFR ≥ 10 M yr−1, and power-law with
x = 2, NFW, or MB halo gas density profiles are the only
bubbles that reach up to several hundred kpc before 1 Gyr.
The targeted high-redshift galaxies are compact and have
large SFR ∼ 30 M yr−1, so our models with SFR ≥ 10 M
yr−1 are consistent and could predict wind bubbles in these
high-redshift galaxies.
To compare our models to observed low-ionization state
metal line absorption, we take silicon as an example metal.
We calculate the silicon column density predicted by our
models by assuming a solar abundance of Si in the wind, and
a 0.1 solar abundance in the swept-up material. The ratio of
logNSi to logNH is thus mass-weighted by the proportion
of the bubble that is wind material or swept-up material,
with different metallicities for each. At ∼ 104 − 104.5 K, Si
II and Si III are the dominant silicon ionization states, but
the ionization fractions of each are dependent on whether the
gas is in collisional ionization equilibrium or photoionization
equilibrium (Oppenheimer & Schaye 2013). We forego mak-
ing a choice, and compare our models’ predicted logNSi to
ionization-corrected logNSi reported by Werk et al. (2014).
Figure 9 shows the combined logNSi of the shocked wind,
shocked swept-up halo gas, and pre-shock cooled wind for
β = 1 (top row), β = 2 (middle row), and β = 4 (bottom
row). The left panels show the evolution with time and the
right panels show modeled logNSi as a function of RCD, as
well as the COS-Halos logNSi as a function of impact pa-
rameter as circular points. As in Figure 8, there is a slight
increase in logNSi when the bubble passes rcool, due to the
cooled pre-shocked wind. Again, the model curves in the
right panels are “right-limits,” such that any model that lies
to the right of the data is consistent with the observations.
In general, our models are consistent with the COS-Halos
derived columns, but tend to over-predict logNSi, particu-
larly for larger values of the mass-loading β. Like for logNH,
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Figure 8. The area-averaged column density of hydrogen combined between the shocked wind region, the shocked halo gas region, and
the pre-shock cooled wind as a function of time in the left column and as a function of the location of the contact discontinuity in the
right column, for models with β = 1 (top row), β = 2 (middle row), and β = 4 (bottom row). Curve colors and styles are as in Figure 7.
Black circular points indicate the observed ionization-corrected hydrogen column densities in the COS-Halos sample and black triangle
points indicate observed ionization-corrected columns in the Keeney et al. (2017) sample, as functions of impact parameter. Model
curves are “right-limits” — a model can predict the observations if it lies to the right of the points.
our models are consistent with the smallest observed values
of the column density if these columns come from observing
a large bubble.
The hydrogen column densities are dominated by the
swept-up shocked halo gas for bubbles blown by SFR =
1 M yr−1, but have roughly equal contributions from the
shocked wind and swept-up shocked halo gas for larger
SFRs. The shocked wind and swept-up shocked halo gas
contribute approximately equally to the silicon column den-
sities when SFR = 1 M yr−1, but the higher wind metal-
licity causes logNSi to be strongly dominated by either the
pre-shock wind (when t < tSFR) or the shocked wind (when
t > tSFR) for larger SFRs.
Deriving logNH and logNSi from observations requires
making assumptions about the ionization state of the CGM
to convert from the observed values of logNHI and, e.g.,
logNSiII or logNSiIII. The ionization state of the gas depends
on the ionizing radiation field, temperature, and density,
including substructures such as dense clouds. Our smooth,
spherically symmetric model does not include clouds in the
CGM, so we do not compute the column density of different
ionization states within cold clumps for direct comparison
with observations. We caution that the comparisons between
our models and the observations in Figures 8 and 9 depend
on the assumptions and ionization corrections of Werk et
al. (2014) and Keeney et al. (2017), which may not be con-
sistent with our model. However, it is encouraging that we
find similar column densities to the observations after such
corrections are made.
Finally, we check the temperature of the shocked wind.
Before cooling, the temperature is derived from the pressure
and density by assuming the gas is ideal. The temperature
of the shocked wind is initially ∼ 3 × 107 K for β = 1,
∼ 1.3 × 107 K for β = 2, and ∼ 7 × 106 K for β = 4, and
c© 0000 RAS, MNRAS 000, 000–000
18 Lochhaas et al.
decreases only slightly as the bubble expands in all cases. In-
creasing β leads to lower initial shocked wind temperatures
because higher mass loading leads to slower launch speeds
for the wind, and therefore slower reverse shocks and lower
shocked temperatures. There is only a drastic change in the
temperature if the shocked wind radiatively cools; we set the
shocked wind temperature to 104 K immediately when the
cooling time becomes shorter than the advection time.
Although we do not perform any detailed ionization
modeling, there are some interesting implications of a multi-
phase bubble structure. Absorption by O VI can arise from
radially cooling wind (Wakker et al. 2012; Bordoloi et al.
2017), which in our model causes the shocked, cooling wind
region to contract from a thick, velocity-extended region
into a significantly thinner, denser region. This could po-
tentially explain the wider velocity spread of high ionization
state lines like O VI and N V that trace hotter gas seen by
Muzahid et al. (2015) while maintaining the narrower ve-
locity spread of the low ionization state lines that represent
the cooled gas from the compressed region. The metallicity
of low ionization absorbing clouds can indicate their origin:
high metallicity cool clouds (Muzahid et al. 2018) could arise
from the instability-promoted fragmentation of the shocked
and cooled wind, while low metallicity cool clouds could rep-
resent the shocked and cooled swept-up ambient halo gas.
4.2 Absorption Lines
We estimate the velocity centres and widths of absorption
lines arising from the radiatively cooled shocked wind region,
the cooled shocked swept-up halo gas, and the cooled pre-
shocked wind (for t < tSFR), and compare to the COS-Halos
absorption line data. We do not model ionization states or
line profiles and thus are not concerned with the depth or
shape of the absorption lines, only their velocity centre and
width. We assume low-ionization state metal line absorption
arises only from the cool gas.
We calculate the velocity width of the absorption lines
observed at impact parameter b as the difference between
the fastest and slowest line-of-sight components of cool gas
velocity:
vwidth = vfast
√
R2fast − b2
R2fast
− vslow
√
R2slow − b2
R2slow
(32)
where vfast is the fastest physical velocity of the cooled gas,
Rfast is the radius at which the cooled gas reaches the fastest
velocity, vslow is the slowest physical velocity of cooled gas,
and Rslow is the radius at which the cooled gas is slowest.
For example, if the only cool gas is the shocked wind and
shocked halo gas, and the reverse shock is traveling at a
slower velocity than the contact discontinuity (we assume
the forward shock and contact discontinuity have the same
velocity), then vfast = vCD, Rfast = RFS, vslow = vRS, and
Rslow = RRS. In this way, vwidth indicates the widest spread
of velocities that could be observed in absorption by the
cool gas in any region of the bubble. Note this is neither a
full-width at half-maximum nor an equivalent width.
Assuming the absorption lines are symmetric, we then
calculate the velocity centre of the absorption line as halfway
between the fastest and slowest velocity components:
vcen =
1
2
[
vfast
√
R2fast − b2
R2fast
+ vslow
√
R2slow − b2
R2slow
]
. (33)
Figure 10 shows an example of the normalized absorp-
tion line flux profiles as functions of line-of-sight velocity
relative to the galaxy systemic velocity, for a low-ionization
state metal absorption line that arises from cold gas, such
as Si II or Si III. The absorption profiles are calculated as-
suming that the gas velocity distribution is flat between the
slowest and fastest velocity within each region. Because the
velocity distribution is not Gaussian, the absorption pro-
files do not appear Gaussian. This calculation is performed
as a rough example only to provide a visualization of the
bubble structure in velocity space, and represents the range
of velocities over which absorption can be expected, not a
physical absorption line profile. Each curve shows the flux
profile, normalized between 0 and 1, vertically located at
a handful of impact parameters as marked on the vertical
axis. Each panel indicates a different age for the bubble at
the time of observation, increasing from left to right. We use
the silicon column densities (Figure 9) as representative of
low-ionization metals for each region of the bubble structure.
The absorption arising from different regions of the bub-
ble are shown as different curves: red dashed curve for the
shocked and cooled wind, green dotted curve for the cooled
pre-shock wind (only present before wind turns off), and
blue dash-dotted curve for the shocked and cooled swept-up
halo gas. The black solid curve shows the sum of cool gas in
all regions of the bubble and represents the general regions
in velocity space where cool gas would be observed. This
particular example is a bubble with β = 2, SFR = 10 M
yr−1, and a power-law halo gas density profile with x = 2
(green dashed curves on other plots, for comparison), at 0.3
Gyr (left panel), 1 Gyr (middle panel), and 5 Gyr (right
panel).
In this particular case, the shocked wind and shocked
swept-up halo gas both radiatively cooled very early in the
bubble’s evolution, before 0.3 Gyr. The pre-shock wind cools
at a radius of rcool ∼ 9.3 kpc and contributes to the absorp-
tion lines in the leftmost panel at 0.3 Gyr, which is the
only panel shown here with t < tSFR, when the wind is still
blowing. Before the wind turns off at tSFR = 0.4 Gyr, the
absorption lines with b > rcool are hundreds of km s
−1 wide
because these lines of sight pass entirely through cool, ab-
sorbing gas, without impacting the inner hot wind region
at r < rcool. After the wind turns off (middle and right
panels), the absorption lines become very narrow because
vRS ≈ vCD ≈ vFS and the shell is thin so few impact param-
eters pass entirely through cool gas without impacting the
central cavity of the bubble.
The line of sight with b = 0 kpc at 0.3 Gyr (left panel)
shows absorption with a multi-component structure due to
the difference in velocity between the pre-shock cooled wind
and the cooled shocked wind and halo gas that make up the
shell of the bubble. At larger impact parameters b > rcool,
the multi-component structure is wiped out because the line
of sight passes entirely through cool gas so absorption is
observed at all line of sight velocities. Because the velocities
of the different bubble regions overlap, it is impossible to
distinguish the components of absorption that represent the
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Figure 9. The silicon column density (all ionization states) in the combined shocked wind region, shocked halo gas region, and pre-
shock cooled wind in our models with β = 1 (top row), β = 2 (middle row), or β = 4 (bottom row) as a function of time (left column)
and as a function of the location of the contact discontinuity (right column) for model curves of as a function of impact parameter for
data points. Curve colors and styles are as in Figure 8. Black points indicate the observed ionization-corrected silicon column densities
in the COS-Halos sample, as a function of impact parameter. Model curves are “right-limits” — a model can predict the observations
if it lies to the right of the points.
shell of the bubble from the components that represent the
interior cooled pre-shock wind.
The line of sight with impact parameter b = 0 kpc
probes the physical velocity of the shocked wind gas directly
without projection effects. At 1 Gyr (middle panel), the bub-
ble is still expanding rapidly and absorption is observed at
vCD ∼ 200 km s−1. At larger impact parameters, projec-
tion effects produce observations of slower gas, as the shell
is expanding mostly perpendicular to the line of sight. The
impact parameter b = 300 kpc does not intersect the shell
because the radius of the shell at 1 Gyr is ∼ 250 kpc, so
no absorption is detected at any impact parameter b > 250
kpc. At 5 Gyr (right panel), the shell has slowed down con-
siderably, to ∼ 15 km s−1.
We calculate the line velocity centres and widths for the
models with β = 1 and SFR = 100 M yr−1 or β = 2 and
SFR = 10 M yr−1, as these are the models with the largest
mass loadings for a hot wind (see §3.2) that reach large dis-
tances and have radiatively cooling shocked wind. Figure 11
shows the velocity centre of absorption lines at four bubble
ages: 0.3 (solid), 1 (dashed), 3 (dot-dashed), and 10 (dotted)
Gyr, compared to the velocity centres of each absorption
component in all low-ionization state metal absorption sys-
tems in COS-Halos (translucent black points) and Keeney et
al. (2017) (translucent black triangles). For readability, only
the MB and NFW profiles are plotted. Curves for bubbles
expanding through the power law halo gas density profile
with power x = 2 are generally located between the MB
and NFW curves, while the model curves for bubbles ex-
panding through the power law halo gas density profile with
x = 1 are located at both smaller velocities and smaller im-
pact parameters than the MB curves. The 10 Gyr curve for
the MB bubble is not shown because this bubble falls back
to the galaxy before 10 Gyr.
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Figure 10. Example normalized flux profiles of low-ionization state metal line absorption at varying impact parameters, for the
particular case of β = 2, SFR = 10 M yr−1, and a power-law halo gas density profile with x = 2, at the three snapshots in time of 0.3
Gyr, 1 Gyr, and 5 Gyr (panels from left to right). Flux profiles for absorption observed at several impact parameters b = 0, 25, 50, 75
kpc in the left panel and b = 0, 100, 200, 300 kpc in the centre and right panels are shown, as indicated on the vertical axes. Only
positive impact parameters are shown, but the symmetric structure ensures the same absorption features are present at the opposite
impact parameters as well. Red dashed curves show absorption due to the shocked and cooled wind between RRS and RCD, blue
dot-dashed curves show absorption due to the shocked and cooled swept-up halo gas between RCD and RFS, and green dotted curves
show absorption due to pre-shock cooled wind between rcool and RRS, which is only present before the wind turns off at t = tSFR.
Solid black curves show the sum absorption from all regions of the bubble structure, which is what would be observed.
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Figure 11. The velocity centres of absorption lines predicted by the models as a function of impact parameter from the host galaxy
compared to the velocity centres (relative to host galaxy velocity) of each component in all absorption systems in COS-Halos (translucent
black circles) and Keeney et al. (2017) (translucent black triangles). Curve colors indicate models with different halo gas density profiles:
MB profile (magenta, small velocities) and NFW profile (cyan, large velocities); other halo gas density profiles are omitted for readability.
Curve line style indicates age of the bubble: 0.3 Gyr (solid), 1 Gyr (dashed), 3 Gyr (dot-dashed), and 10 Gyr (dotted). Left panel shows
models with SFR = 10 M yr−1 and β = 2 and right panel shows models with SFR = 100 M yr−1 and β = 1.
In general, the spherically symmetric structure of the
bubble produces two absorption components with velocity
centres symmetrically distributed around 0 km s−1. The
youngest bubbles produces absorption at larger velocities
and smaller impact parameters, while only the oldest bub-
bles can be observed at large impact parameters, as it takes
∼few Gyr for the bubble to reach distances of several hun-
dred kpc from the galaxy. A small observed absorption line
velocity can be due to either a line of sight impacting the
very edge of a young bubble, where the low observed velocity
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arises from projection effects, or a line of sight impacting any
part of a physically slow bubble, where the low observed ve-
locity is physical. Note, however, that a random distribution
of impact parameters across the projected area of a bubble
is unlikely to impact the very edge of the shell, so a small
line velocity is more likely to arise from a physically slow,
and therefore likely old, bubble. Large observed absorption
line velocities must come from physically fast bubbles, which
are typically younger and thus can only be observed at small
impact parameters.
For SFR = 10 M yr−1, the youngest bubble age plot-
ted is before the wind shuts off at 0.4 Gyr, so the pre-shock
cooled wind contributes to the absorption. The cooling ra-
dius rcool ∼ 4.5 kpc, so impact parameters b > 4.5 kpc show
an absorption velocity centre of 0 km s−1, because lines of
sight with these impact parameters do not impact the cen-
tral cavity of the bubble and thus observe cool gas at all
velocities v < vCD along the line of sight. It is clear that
cooled pre-shock wind alone cannot produce absorption lines
consistent with the velocity of the observations. The right
panels show absorption from only the cooled shocked wind
and swept-up halo gas because tSFR = 0.04 Gyr when SFR
= 100 M yr−1, so even for the youngest bubble plotted at
0.3 Gyr, the wind has shut off so there is no pre-shock wind.
The spread of predicted absorption line velocities across
the various models is consistent with the spread of observed
line velocities from COS-Halos and Keeney et al. (2017).
Only the youngest bubbles at 0.3 Gyr show a strong trend
in line velocity with impact parameter on the scales of
the COS-Halos data, because only at these times are the
shells small enough that impact parameters of b = 0 − 150
kpc probe the majority of the shell structure and projec-
tion effects reducing the observed velocity are obvious. At
later times, the shells are large and impact parameters of
b = 0 − 150 kpc probe only a small fraction of the shell
structure, so projection effects are less obvious, leading to
flat absorption line velocities with impact parameter. This
flat trend in absorption line velocity with impact parame-
ter matches the Keeney et al. (2017) data, which show little
trend in line velocity over the large impact parameter range
probed, b = 0− 350 kpc. The full range of observed absorp-
tion line velocities across the many galaxies in the data can
be produced by bubbles with different parameters observed
at similar bubble ages, or by observing bubbles with similar
parameters at many different bubble ages. These two sce-
narios are impossible to distinguish with absorption studies,
particularly because each galaxy typically has only one or
two lines of sight passing through its CGM.
Figure 12 shows the predicted velocity widths of ab-
sorption lines for the same subset of models as in Figure 11
(equation 32), compared to the velocity FWHM of each com-
ponent in the Werk et al. (2014) and Keeney et al. (2017)
data, which was converted from the reported Doppler broad-
ening values to FWHM by multiplying by a factor of
√
8 ln 2.
Because we expect thermal broadening of ∼ 2−4 km s−1 for
the low-ions at 104 K, we set a lower limit on the velocity
widths of absorption lines of 2 km s−1. For SFR = 10 M
yr−1, the absorption line widths are large, 100 − 1000 km
s−1, when the bubble is 0.3 Gyr old because the wind is still
blowing. The absorption line widths drop only for impact
parameters that graze the edge of the absorbing region at
b = RFS. These absorption lines are centred at 0 km s
−1 (see
Fig. 11) and stretch from −vwind to vwind. The absorption
velocity widths for bubbles with the power law halo gas den-
sity profiles are not plotted, but are similar to the widths in
the MB and NFW profiles.
At older bubble ages, when t > tSFR, the wind has
turned off and the only cool gas absorption arises from the
cooled shocked wind and cooled shocked swept-up halo gas.
The absorption lines are very narrow, no larger than the
minimum value we impose from thermal broadening. The
predicted absorption line widths increase to match the ob-
served values only for lines of sight with impact parameters
that graze the thin shell of the bubble, which are statistically
unlikely. Because our model bubble structure predicts such
a thin shell, we greatly under-predict the width of absorp-
tion lines, despite being consistent with the velocity centres
of absorption lines observed.
There are a number of effects we do not model that
could increase the width of absorption lines. A variety of
halo gas densities along the path of the bubble, such as
clumps or clouds, would slow down only the part of the bub-
ble that impacts them, altering the structure of the bubble
and breaking spherical symmetry. A line of sight that passes
through the more extended, clumpy bubble structure would
impact a greater range of gas velocities, producing multiple
unresolved absorption components that blend into a broader
absorption line. Fragmentation of the bubble’s shell due to
instabilities (§3.6) could also produce a similar effect, and
the velocity of instability fingers as they grow at ∼ 10− 30
km s−1 also broadens the velocity spread of absorption lines
early in the shell’s evolution while it is unstable. We do not
model the evolution of instabilities, but it is possible that
the Rayleigh-Taylor fingers form clouds with a spread in
velocity that could broaden the absorption lines even after
the shell’s unstable phase. It is unlikely that the halo gas has
the smoothly changing, homogeneous density that we model
here, so we do not expect our idealized models to accurately
reproduce the absorption line velocity widths observed in na-
ture. Fully hydrodynamic, 3D models are needed to assess
the effects of an inhomogenous halo gas and the development
of instabilities in the bubble.
The qualitatively similar radial profiles of column den-
sity between the different models in §4.1 and the full ab-
sorption line velocity parameter space probed by the models
shows that it is difficult to predict the properties of the wind
or halo gas purely from absorption line observations. Nearly
all models are consistent with a majority of the COS-Halos
and Keeney et al. (2017) column densities, as the main differ-
ences between the models are most evident early in the bub-
ble’s evolution, when it has the smallest radius where there
are no absorption line data. The drastic evolution through
absorption line velocity and impact parameter space as the
bubbles age also shows that the data cannot distinguish be-
tween the wind parameters driving the bubbles. Distinguish-
ing differences between the models may arise when more
physics is included, or in a fully hydrodynamic simulation.
However, the success of the model in reproducing the column
density and absorption line velocity observations indicates
that a supernova-driven wind bubble model presents a con-
sistent picture, even if it is missing more complex physical
details.
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Figure 12. The velocity width of the absorption lines for models with β = 2 and SFR = 10 M yr−1 (left panel) or β = 1 and SFR
= 100 M yr−1 (right panel) as functions of impact parameter. Curve colors indicate different density profiles for the halo gas, curves
with the NFW profile have larger impact parameters than curves with the MB profile
. Curve line style indicates bubble age: 0.3 Gyr (solid), 1 Gyr (dashed), 3 Gyr (dot-dashed), and 10 Gyr (dotted). Translucent black
points indicate observed absorption line widths in the COS-Halos sample (circles) or Keeney et al. (2017) (triangles) for all species of
all ionization states.
5 DISCUSSION
5.1 Comparison to Simulations
Cosmological simulations are overwhelmingly in agreement
that feedback, whatever its form and driving mechanism, is
responsible for many aspects of galaxy evolution and CGM
properties. Simulations focus on producing the most realis-
tic galaxies, compared to observations, whereas our analytic
model helps develop a physical understanding of the interac-
tion of galactic winds with the CGM and the observational
results of different sets of parameters and initial conditions.
Many simulations of supernova-driven winds that do not ex-
plicitly set the mass loading factor of winds find β ∼ 0.1−10,
a range that is consistent with the values of β that we ex-
plore here (Hopkins et al. 2012; Sarkar et al. 2015). The ide-
alized simulations of supernova-driven winds by Fielding et
al. (2017) most closely match our idealized setup. They find
winds reach hundreds of kpc from the host galaxy over sev-
eral Gyr, in agreement with our results. Without including
ionization modeling, we cannot make more detailed compar-
isons to column densities of various ions that are often cal-
culated. Simulations also find that supernova feedback and
radiative cooling are critical to producing cool gas in the
galaxy halo that can be traced by low-ionization absorption
lines (Hopkins et al. 2012; Suarez et al. 2016; Biernacki &
Teyssier 2017; Turner et al. 2017). Despite the idealized na-
ture of our model, it agrees well with many simulations, in
addition to observations. We produce similar radial extents
of physical densities and radial velocities as Fielding et al.
(2017). Our bubbles travel to hundreds of kpc where they
have speeds of ∼ 200 km s−1, and produce cool gas in their
shells, similar to the findings of Sarkar et al. (2015). Our
model provides a physical framework for understanding the
extent and longevity of cool gas in the CGM of simulated
galaxies.
Many cosmological simulations (e.g., Guedes et al. 2011;
Ford et al. 2013; Crain et al. 2015) do not directly trace the
thermodynamic history of gas in outflows, relying instead
on “subgrid” models to assign properties to the particles
that are ejected from the galaxies, so we do not expect wind
bubbles to appear in such simulations for comparison to an-
alytic models. However, analytic wind models like the one
presented in this paper can be used to inform the evolu-
tion of particles in a cosmological simulation, assuming that
a particle tracks a fragment of the bubble’s shell. In this
way, properties such as temperature, mass, and metallicity
of particles can be linked to the hydrodynamic model that
operates on subgrid scales and a more accurate model that
depends on the properties of the galaxy and its wind can be
developed.
5.2 Other Forms of Feedback
We have formulated our model on the idea that supernovae
are the only launching mechanism for galactic winds be-
cause this assumption gives us a simple relation between
properties of the galaxy, like the SFR, and the properties
of the wind. However, there are many other forms of star
formation feedback that may drive galactic wind bubbles,
and our model can be easily adapted to include them by
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including other momentum and energy source terms. Other
forms of star formation feedback include stellar winds, ra-
diation pressure from luminous young stars, cosmic rays,
and hot winds driven by Type Ia supernovae in old stel-
lar populations (Ciotti & Ostriker 2001). The term PSW in
equation (1) or the term p˙w in equation (19) can be replaced
with pressures and momenta appropriate for different types
of feedback, or a sum of several types.
The momentum injection rate on a shell by radiation
pressure from a galaxy with luminosity L? is p˙rad ∼ L?/c.
Comparing to the momentum injection rate for a hot,
supernova-driven flow p˙w = (αβ)
1/2(E˙wM˙w)
1/2 (see §2.1),
we find
p˙w
L?/c
∼ 5(αβ)1/2 (34)
where L? ∼ 1011L
(
SFR
10 M yr−1
)
. We can adapt radiation
pressure driven outflows into our model by reducing the mo-
mentum injection by a factor of 5, which is equivalent to
reducing the wind launch velocity to ∼ 200 km s−1. In the
wind bubble prescription, radiation pressure launches out-
flows that then shock on the ambient halo gas to produce
the hot, shocked wind bubble. We find that radiation pres-
sure driven winds launch galactic wind bubbles that reach a
maximum distance of 10 − 15 kpc in 100 − 200 Myr before
falling back to the galaxy, and bubbles driven with larger
mass loadings do not travel as far as bubbles driven with
smaller mass loadings. The shocked wind radiatively cools
in all cases. Because the bubbles do not expand very far
into the halo gas, they are not as massive as the bubbles
in our fiducial supernova-driven winds model, reaching only
∼ 0.03 − 1.5 × 1010M. Radiation pressure alone cannot
drive galactic wind bubbles to large enough distances to be
consistent with the COS-Halos results, but a combination of
radiation pressure with other wind driving mechanisms may,
as found by Murray et al. (2011); Hopkins et al. (2012).
Active galactic nuclei (AGN) may also launch energy-
conserving outflows. Faucher-Gigue`re & Quataert (2012) de-
veloped a wind-blown bubble model for AGN winds, which
differ from supernova-driven winds by having a significantly
larger launch velocity, vl ∼ 30, 000 km s−1. AGN winds are
not directly related to the galaxy’s SFR and instead the
mass outflow rate of the wind is given by M˙AGN ∼ LAGNcvl ,
where we take LAGN ∼ 1046 ergs s−1 as the AGN luminos-
ity, and c is the speed of light. For vl ∼ 30, 000 km s−1,
M˙AGN ∼ 1.8M yr−1. Observations of the quasar proxim-
ity effect estimate that AGN are luminous for ∼ 1 − 30
Myr (Schirber et al. 2004), so we adopt a cutoff time for
wind driving of tSFR = 20 Myr. We find that AGN-driven
wind bubbles reach very large distances from the galaxy of
RCD ∼ 1000 kpc over an extended period of time, ∼ 10−20
Gyr. The shocked wind never radiatively cools and the bub-
ble remains hot, so an AGN-driven bubble is prima facie in-
consistent with the cool gas traced by low ionization metal
absorption lines observed in COS-Halos. However, we do not
model Compton cooling, which may be important on small
scales in AGN winds (Faucher-Gigue`re & Quataert 2012)
and may still allow the hot shocked wind to cool at the very
early times we do not consider, so our model may not be
predictive in the case of AGN outflows. The AGN bubble
remains fast as it reaches hundreds of kpc from the galaxy,
at vCD ∼ 500− 700 km s−1, much faster than the velocities
of the observed absorption lines. AGN feedback alone may
not produce cool gas in the galactic halo, but a combina-
tion of AGN and supernova feedback might (Biernacki &
Teyssier 2017).
Farber et al. (2017) found that cosmic rays drive gas
out of the galactic disk with velocities vw ∼ 200 − 400 km
s−1 and mass loading factors β ∼ 2 − 3. Cosmic rays that
are decoupled from the cold ISM gas enhance star forma-
tion to ∼ 6 M yr−1 for ∼ 200 Myr by allowing cold gas
to collapse. We calculated the evolution of a bubble driven
by 300 km s−1 wind for 200 Myr, with M˙w = 3 × 6 M
yr−1 = 18 M yr−1, to simulate a galactic wind bubble
driven by cosmic rays. The results are qualitatively similar
to our fiducial case with SFR = 1 M yr−1 and β = 4 —
the bubble radiatively cools early in its evolution, but the
combination of low launch velocity and high M˙w keeps it
from traveling very far and it reaches only ∼ 30 kpc. Galac-
tic wind bubble driving by cosmic rays alone is therefore
not consistent with the COS-Halos observations of cool gas
and metals at large impact parameters, but a combination
of cosmic ray driving with supernovae, AGN, or radiation
pressure may drive a galactic wind bubble further than any
wind driving process alone.
No single wind bubble driving mechanism, when mod-
ified to fit into our bubble model, produces a large mass of
cool gas at large impact parameters that can reproduce the
COS-Halos observations like our supernovae-driven fiducial
model can.
5.3 Infalling Gas
Throughout this paper, we model the star formation history
of the wind-launching galaxy by assuming star formation
ceases when 4 × 109 M of gas is converted into stars. If
additional gas is supplied to the galaxy, it could sustain star
formation for an extended period of time. To test how this
affects our results, we set SFR = 1 M yr−1 for t > tSFR.
In general, we find this change does not affect which sets of
parameters allows the shocked wind to radiatively cool, the
thickness of the shocked wind region RCD−RRS or shocked
swept-up halo gas region RFS − RCD, or the column densi-
ties of the shocked wind. However, the maximum distance
reached by the bubbles for certain sets of parameters in-
creases, and many bubbles that fall back to the galaxy after
the wind shuts off instead continue expanding outward at
low velocity when star formation is sustained. A late-time
hot wind may also be sustained by Type Ia supernovae after
star formation ceases (Ciotti & Ostriker 2001), and would
produce a similar effect.
As evidenced by Figures 11 and 12, the cooled pre-shock
wind produces very wide absorption centred at 0 km s−1 for
any impact parameter b > rcool while the wind is still blow-
ing. A continuing low level of star formation after tSFR thus
produces broad absorption from the cooled shocked wind
that is observable even after tSFR. Sustained star forma-
tion produces absorption lines that are too broad, with full
widths of ∼ 1000 km s−1, similar to the 0.3 Gyr (solid)
curves in the left panel of Figure 12.
In addition to providing further star formation after
tSFR, infalling gas can directly interact with the outflowing
gas. Throughout this paper, we have assumed the halo gas
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pressure is provided by a static halo. Because the dynamics
of the wind bubble are strongly dependent on the halo gas
density and pressure, changes to the halo gas, such as in-
falling or rotating gas, could change our results. We do not
model these additional effects.
5.4 Multiple Shells from Multiple Starbursts
Although we model a single shell launched at t = 0 for sim-
plicity, multiple shells could be launched by multiple epochs
of star formation. After the first bubble sweeps up the halo
gas, the density profile of gas into which each subsequent
shell expands would be quite different than the initial den-
sity profile of the unperturbed halo gas the first bubble im-
pacted. As the area behind the initial bubble is mostly evac-
uated, the subsequent bubbles will travel faster than the
first, and potentially catch up to it. Assuming no fragmen-
tation of either shell before this occurs, the momentum and
energy of each bubble could combine to help push the edge
of the initial shell out further. The combined bubble would
reach larger distances from the galaxy than a single bubble,
and would have larger overall mass.
Recent cosmological simulations (Keller et al. 2015; Mu-
ratov et al. 2015; Feldmann et al. 2017) have found that
star formation in L? progenitor galaxies consists of several
strong bursts at high redshift that drive strong outflows (or
may recycle back to the galaxy, driving further star forma-
tion bursts, e.g. Christensen et al. 2016) before settling to
a lower, more consistent star formation rate at low redshift.
A currently observed low level of star formation does not
imply the star formation rate was not higher at some point
in the past, so even galaxies that are not currently classified
as “starbursts” could have been starbursts at high redshift.
Combined with the long travel time of the bubble’s shell
into the CGM, the cool CGM observed around low-redshift
galaxies may have been produced by an ancient starburst.
We explore galactic wind bubbles driven both by a
short, intense star formation period and by a longer, lower-
level of star formation. Both types of bubbles could be
launched from a galaxy at different points during its evo-
lution, but because radiative cooling of the shocked wind
is easier when launched from a high-SFR burst, the cool
CGM may have been more likely formed by a high-redshift
starburst. The presence of both the low-SFR and high-SFR
bubbles in the CGM of the same galaxy could explain some
of the multiphase nature of observed CGM gas, but more
detailed modeling than we do here is necessary to predict
the interaction of both types of bubbles in the CGM.
Another way to produce multiple, interacting bubbles
in the CGM is by varying the launch sites not just in time,
but also in space. Schneider et al. (2018) examined the in-
teraction of multiple outflowing shells when launched from
sites within a galactic disk that shift locations in time. The
result was an extended, complex, multiphase outflow struc-
ture, but interaction of the outflowing shells with ambient
CGM gas was not explored. A full 3D simulation like this
is necessary to track the interaction between multiple bub-
ble shells, and further work is needed to follow this outflow
structure to larger distances from the galaxy for a detailed
comparison to the COS-Halos and Keeney et al. (2017) ob-
servational results.
5.5 Momentum Boost
We calculate the instantaneous “momentum boost”
(Faucher-Gigue`re & Quataert 2012; Richings & Faucher-
Giguere 2017) as the ratio between the bubble’s instanta-
neous momentum and the integrated momentum input of
the wind,
fboost =
pshell∫
p˙w dt
. (35)
We plot this momentum boost in the left panels in Figure 13.
The models with β = 1 and SFR = 1 M yr−1 never radia-
tively cool, so these bubbles get a “boost” of fboost ∼ 1.5
from the shock-heating of the wind driving them. The boost
comes from the energy-conserving phase of the bubble’s evo-
lution, so the bubbles with early radiatively cooling wind do
not have instantaneous fboost > 1. The shell’s momentum
can be smaller than the total time integrated wind momen-
tum when the shell gains enough mass for the gravitational
force to be significant, leading to fboost < 1. Including the
integrated work done by the bubble produces a larger mo-
mentum boost for those bubbles with radiatively cooling
shocked wind, but we calculate the instantaneous momen-
tum boost for easier comparison with observations.
Another version of the instantaneous momentum boost,
more analogous to active galactic nuclei (AGN) driven winds
(Cicone et al. 2014), can be calculated as the ratio of the
shell’s momentum change to the photon momentum of the
starburst3:
fboost,ph =
p˙shell
L?/c
(36)
where we assume L? ∼ 1011L(SFR/10 M yr−1). We plot
this alternate version of the momentum boost in the right
panels of Figure 13. Each bubble’s maximum fboost,ph is
∼ 5 − 10, and decreases as the bubble slows down due to
gravity. The maximum fboost,ph reached depends on β, but
not on SFR or halo gas density profile. Radiatively cooling
models with β = 1 have maximum fboost,ph ∼ 5, models with
β = 2 have maximum fboost,ph ∼ 7, and models with β = 4
have maximum fboost,ph ∼ 10. The one set of models that
does not cool has a slightly larger maximum fboost,ph ∼ 8
than the other models with β = 1. Because p˙shell depends
more strongly on the mass-loading factor and cooling of the
bubble than on the properties of the starburst itself, it is
not sufficient to predict the momentum impact of a galactic
wind bubble on the CGM by scaling with SFR or L? alone.
6 SUMMARY
We present a one-dimensional semi-analytic model for a
wind bubble blowing out of a galaxy, and compare the pre-
dictions of such a model with observations of low-ionization
3 Note that equation (36) is equivalent to equation (34) when the
shocked wind cools early in the evolution of the bubble, because
the only momentum input to the shell in that case is the direct
momentum injection of the wind. For models without radiatively
cooling shocked wind, the shell receives additional momentum
input from the energy injection of the wind as well as the wind
momentum injection, which is the source of the “boost.”
c© 0000 RAS, MNRAS 000, 000–000
Fast Winds Drive Slow Shells 25
10 3 10 2 10 1 100 101
t [Gyr]
10 1
100
p s
he
ll/(
p w
dt
)
= 1
10 3 10 2 10 1 100 101
t [Gyr]
100
101
p s
he
ll/(
L
/c
)
= 1
10 3 10 2 10 1 100 101
t [Gyr]
10 1
100
p s
he
ll/(
p w
dt
)
= 2
10 3 10 2 10 1 100 101
t [Gyr]
100
101
p s
he
ll/(
L
/c
)
= 2
10 3 10 2 10 1 100 101
t [Gyr]
10 1
100
p s
he
ll/(
p w
dt
)
= 4
10 3 10 2 10 1 100 101
t [Gyr]
100
101
p s
he
ll/(
L
/c
)
= 4
1 M yr 1
10 M yr 1
100 M yr 1
x = 1
x = 2
NFW
MB
Figure 13. Two forms of the momentum boost for all fiducial models as functions of time. Left panels show the momentum boost
given by equation (35) and right panels show the momentum boost given by equation (36). Curve colors and styles indicate halo gas
density profiles and star formation rates, as in other figures.
state metal and hydrogen absorption lines toward back-
ground quasars from COS-Halos (Werk et al. 2014) and
Keeney et al. (2017). We vary the initial conditions, in-
cluding mass loading, halo gas density profile into which
the bubble expands, star formation rate, efficiency of wind
heating, and wind launch radius. We focus on the parame-
ter sets that produce cool gas, either in the shocked wind,
pre-shock wind, or swept-up halo gas, as low-ionization state
metal absorption arises from cool gas. Our main results are
as follows:
(i) The halo gas density profile through which the wind
bubble expands is the most important factor that determines
the distance reached by the shell. For realistic density pro-
files and default assumptions, shells expand to several hun-
dred to several thousand kiloparsecs from the galaxy over
the course of their evolution, regardless of mass-loading β or
SFR. The large distance reached by the shells is important
for predicting the observed absorption at impact parameters
b ∼ 150− 300 kpc.
(ii) Bubbles reach large distances slowly, spending ∼ 1
Gyr to ∼ 5 − 10 Gyr after launch at & 100 kpc from the
galaxy. Those bubbles driven by a short starburst reach this
distance and remain at least 100 kpc from the galaxy for
several Gyr, traveling at low velocities (see (vii) below), even
well after star formation has shut off and the host galaxy
could be classified as passive. This may explain the otherwise
puzzling COS-Halos observations of passive galaxies.
(iii) All bubble models with either large SFR or large
mass-loading β produce radiatively cooled shocked wind.
The swept-up, shocked halo gas radiatively cools in all our
models. We verify that when the free-flowing wind radia-
tively cools, the shocked wind does as well.
(iv) The combined mass of wind material and swept-up
halo gas in the bubble when it is further than 100 kpc from
the galaxy is ∼ 2 − 5 × 1010 M for most fiducial models.
In the models with radiatively cooling shocked wind (all but
β = 1 and SFR = 1 M yr−1), the total mass of the shell is
cool. This is consistent with the strict lower limit estimate
of cool gas in the CGM from COS-Halos of 2.1 × 1010 M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(Werk et al. 2014) and the estimate of cool gas mass from
Keeney et al. (2017) of 3.2+3.1−1.6 × 1010 M.
(v) The effective mass-loading, βeff , of the wind bubbles
increases over its original launch value, β, as the bubbles
evolve and sweep up halo gas. By the end of the bubble’s
evolution, the effective-mass loading is ∼ 5−12, and is simi-
lar across all models, despite differences in the mass loading
factor at launch (Figure 6).
(vi) Hydrogen and silicon area-averaged column densities
from all ionization states are logNH ∼ 18−21 and logNSi ∼
14−16 over impact parameters 20 . b . 300 kpc, consistent
with the COS-Halos logNH and logNSi measurements and
the logNH measurements of Keeney et al. (2017). There are
no large differences in column densities between the models
at the impact parameters of the observations.
(vii) Predicted absorption line velocities cover the full
range of vcen ∼ −400 to 400 km s−1 over impact param-
eters 20 . b . 300 kpc observed by COS-Halos and Keeney
et al. (2017), for a variety of wind bubble ages.
(viii) Absorption line velocity widths we predict are ∼
2−10 km s−1 when the wind is no longer blowing, or ∼ 1000
km s−1 when it is still blowing. The wind bubble models ei-
ther significantly under-predict or significantly over-predict
the observed line velocity widths of ∼ 5− 200 km s−1. The
mismatch may be due to the assumption that the halo gas
density profile is smooth and spherically symmetric, or the
fact that we do not model shell fragmentation due to Vish-
niac or Rayleigh-Taylor instabilities or multiple interacting
shells that could produce unresolved multicomponent ab-
sorption from the distribution of velocities that shell frag-
ments would span.
(ix) We find the momentum boost, calculated as the ra-
tio of the bubble’s momentum to the time-integrated wind
momentum, to be . 1 for all bubbles with radiatively cool-
ing shocked wind. This is due to the fact that the bubble
experiences a boost only in the energy-conserving phase of
its evolution, and bubbles that radiatively cool do so early
in their evolution, and so do not have much time to gain
a boost. For the set of models without radiatively cooling
shocked wind, the momentum boost is ∼ 1.5.
This analytic, physically-motivated model can repro-
duce many of the observations of cool gas in the CGM
of galaxies across several redshifts, but lacks distinguishing
power to determine which set of wind parameters reproduces
the observations; instead, nearly all models are consistent
with the majority of the observations. The success of the
radiatively cooling wind bubble model emphasizes the im-
portance of radiative cooling of the wind, either pre- or post-
shock, to produce a large mass of cool, metal-rich gas in the
CGM. The fact that the bubble “hangs” at a large distance
from the galaxy for a long time emphasizes that ongoing star
formation at the time of observation is not necessary for the
presence of wind material in the galactic halo. With an un-
derstanding of the physical processes affecting the motion of
the bubble and the impact of changes to the initial condi-
tions, a more complete galactic wind bubble model can be
built. This model represents a first step in interpreting ob-
servational and simulation results, and shows that the phys-
ical principles of galactic winds, even in an idealized setting,
can explain many aspects of the CGM. Avenues for further
study include a multi-dimensional model, more variation of
the star formation rate or properties of the galaxy over time,
interaction of multiple shells from many epochs of star for-
mation, and a careful analysis of predicted absorption lines
with ionization modeling.
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